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We do these things not because they are
easy, but because they are hard.

–John F. Kennedy

Audentes Fortuna iuvat.
Fortune favors the bold.

–Latin proverb





Abstract

Stellar activity is one of the principal obstacles to achieving sub 1 m s�1 radial velocity
precision in exoplanet detection surveys. Understanding how stellar activity a�ects the
stellar environment is crucial to mitigating or eliminating unexpected radial velocity ex-
cursions that mask planetary signals. We look at the two extreme ends of stellar activity
in M dwarfs.

First, we characterize over 14,000 spectra from 345 M dwarfs of the CARMENES1

Guaranteed Time Observations (GTO) sample and quantify a quiet sample within that
set of stars. We were able to reduce the interfering e�ects of molecular line continuum
contamination on measurement methods by normalizing the e�ect out. In so doing we
developed a new measurement method, the Molecular Normalized Index (MNI). This al-
lowed us to detail the behavior of Ca ii IRT (InfraRed Triplet), H�, Na i D1&2, and He i D3

from the quietest stars to the point where emission in these profiles becomes dominant.
We found that H� profiles can be well explained by the combination of an emission and
absorption profile. From this we also noticed a significant gap separating out the low
activity stars, with H� profiles in absorption or with low wing emission, from emission
profile stars. This gap may be related to the rapid spin down hypothesis. We observed
that, for the quietest stars, the H� absorption strongly correlates with stellar e�ective
temperature. Given the prevailing thought that H� in M dwarfs should respond to stellar
activity induced chromospheric heating by first becoming more absorptive before filling
in and going into emission, this strong correlation with e�ective temperature for the max-
imally absorptive stars should not occur. We also find no evidence for this initial increase
in H� absorption. We therefore present a modified model in which the H� absorption
that correlates with the e�ective temperature is due to a basal amount of chromospheric
heating that is unlikely to be related to the heating by stellar activity that causes H� emis-
sion. The result of this is that as a quiet star gains active chromospheric regions the wider
H� emission profile of these regions will combine with the H� absorption from what
remains of the quiet chromosphere.

Second, we examine the extreme other end of stellar activity in M dwarfs by examining
the extremely active, young, rapidly rotating star, GJ 3270. We simultaneously observed
this star for a total of 7.7 h with photometric and spectroscopic instruments. We combined
our data with TESS observations conducted roughly one month prior to our observation
period. We found two large flares during our observation period, one of which released

1Calar Alto high-Resolution search for M dwarfs with Exoearths with Near-infrared and optical Échelle
Spectrographs.
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3:6 � 1032 erg of energy and had a post-flare co-rotating feature. We tracked this feature
for 90 minutes through the asymmetries it caused in the chromospheric activity indicators.
We concluded that this feature was likely similar to post-flare arcadal loops on the Sun.
To sum up our results we found that the chromosphere of M dwarfs is likely heated by
a mechanism that is not related to stellar activity and on active M dwarfs that individual
active regions can be tracked as they rotate across the stellar disk.
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1. Introduction

This work consists of two main components that sum up the e� orts taken during my doc-
toral program. The �rst part deals with the behavior of chromospheric activity indicators
over the spectral range of M0V to M6V in the CARMENES GTO sample. The second
part is a chapter comprising a published work (Johnson et al. 2021, A&A, 651,A105) that
is placed as an unaltered unit. The only modi�cations taken pertained to the sizing of the
�gures so that they would better �t the format of this thesis. This work contends with the
discovering of a co-rotating post-�are feature on the rapidly rotating M dwarf GJ 3270.
As this paper uses the royal we pronoun throughout and cannot be altered we will do the
same in all other parts of this thesis. Any acknowledgements of work done by others will
be announced in chapter introductions.

1.1. Measuring Light

The two main methods of measuring light in astronomy are photometry and spectroscopy.
As we use both ground-based and space-based photometry in our paper on GJ 3270 we
will, to avoid unnecessarily repeating ourselves, only cover spectroscopy in this introduc-
tion.

1.1.1. Spectroscopy

Humanity has been aware of the e� ects of refraction, such as rainbows, for millennia. It
was not until Sir Isaac Newton, in the mid 17th century, that the e� ect was scienti�cally
described. He placed a prism into a beam of sunlight and produced an arti�cial rainbow-
a spectrum (Newton & Innys 1730). This discovery would be critical for the development
of spectroscopy and astronomy in the subsequent centuries. By the late 18th century,
William Herschel found that light passing through the prism would a� ect a thermometer
nearest the red section of the produced spectrum. Herschel realized that the prism must
have split o� light that was invisible to the human eye but could confer heat (Herschel
1800). He called them 'calori�c rays' which would be re-designated as infrared radiation
in the 19th century.

A few decades after Herschel had published his �ndings on calori�c rays in 1800, Joseph
Fraunhofer, with his background in �ne optical instrument manufacture, discovered that
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the colors split o� by passing sunlight through a prism would have tiny dark lines in-
terrupting what had previously been thought were continuous colors. He described 570
lines (Fig. 1.1) with the most prominent features being designated A through H (Fraunhofer
1817) with K being added on later. It would later be found out that some of these spec-
tral lines were due to the Earth's atmosphere but some, such as the D line, were not,
and are still in the astrophysical nomenclature today. What Fraunhofer and his contem-
porary, William Hyde Wollaston, who had noted gaps in the spectrum independently of
Fraunhofer, had discovered was the �rst evidence for absorption lines (Hyde Wollaston
1802).

During the 19th century it was realized that each of these lines corresponded to the wave-
length of an emission line from a known element except for one. Therefore it was thought
that this element was indigenous to the Sun and was named after the Greek name for the
Sun,Helios. Helium was eventually isolated on Earth but the name stuck. Spectroscopy
has led to other false discoveries, such as the case with Nebulium. These discoveries
ultimately led to a greater understanding of what processes drive the illumination of the
universe and has become the primary technique for humanity to investigate astrophysical
objects (Thomson 1871).

Figure 1.1.: Fraunhofer noted distinct features in the spectrum of the Sun and labeled them al-
phabetically from longer to shorter wavelengths. These features are now known as the Fraunhofer
lines. Credit Eric Bajart via Wikimedia Commons used by CC BY-SA 4.0
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1.1.2. Spectrographs

Most astrophysical spectrographs consist of �ve components. The �rst is the pathway to
let light into the instrument. This can be done by either having an aperture directly at the
focus of the telescope or to have a �ber optical cable from the focus to the instrument.
The second component is a collimator that parallelizes the incoming beam onto the third
component, the dispersing element (Gray 2008). The dispersing element can be a prism
or, in modern spectrographs, some form of di� raction grating (Jacquinot 1954). The
di� raction grating splits the incoming light into its component wavelengths, creating a
spectrum. The fourth component, a focusing element or camera, focuses the spectrum
onto the �fth element, a detector. Historically the detector was a photographic plate but
these have largely been replaced by digital detectors such as Charged Coupled Devices
(CCD). The main trade o� in designing spectrographs is that the higher resolution comes
at a cost of requiring more light or in astrophysics limiting the brightness of observable
targets (Gray 2008).

A common type of modern spectrograph is anéchelle spectrograph. Modern spectro-
graphs used in exoplanet surveys operate on a design and methodology pioneered by the
ELODIE spectrograph (Baranne et al. 1996). ELODIE was particularly noted for its ca-
pacity for simultaneous calibration. Theseéchelle spectrographs are cross dispersed and
use anéchelle grating, hence the name of the device. This grating uses a large groove
spacing design with a high blaze angle. In the case of ELODIE, the blaze angle was set at
76� (Baranne et al. 1996). This high blaze angle allows for the majority of the light to be
concentrated at higher di� raction orders. A cross disperser is used to take this high order
di� racted light and stack it into a 2D con�guration which is ideal for modern digital de-
tectors. The major bene�t of this design is that it allows for a large wavelength coverage
in a relatively compact device (Gray 2008). The resultant spectrum, however, still needs
to be calibrated to be useful.

The wavelength solution can be calibrated in a number of ways. The most inexpensive
way is to use the absorption lines present in the atmosphere of the Earth as a wavelength
guide. These telluric lines have a large wavelength coverage and known wavelengths so
the wavelength of the lines in the stellar spectrum can be calculated (Gri� n & Gri� n
1973). The downside of this approach is that telluric line positions can be shifted due
to atmospheric conditions, such as wind, which limits the precision of the wavelength
solution. Additionally the number of lines in a particular section of spectrum that the
observer is interested in may not be su� cient for the task. Alternatively the light, from the
telescope, can be passed through a gas cell. This gas, at �rst hydrogen �uoride (Campbell
& Walker 1979) but now usually iodine (Marcy & Butler 1992), imparts an additional
known absorption spectrum into the observed stellar spectrum, allowing wavelengths of
stellar lines to be calculated. The issue with this approach is that the gas cell spectrum
can interfere with features from the stellar spectrum. This can be ameliorated by one
observation done with the gas cell in and one without but this costs twice the observation
time. Hollow cathode lamps, on the other hand, use an emission spectrum in another
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channel to calibrate. This provides an easy to calculate wavelength solution but can be
an issue if a stellar line is too close to a bright emission line from the lamp. This can
cause some light to bleed into the stellar spectrum. With CARMENES1 (Quirrenbach
et al. 2012), wavelength solutions are calibrated using Fabry-Pérot interferometers and
hollow cathode lamps to improve the wavelength solution in addition to providing drift
correction. This allows for both accuracy (wavelength calibration) and precision (drift
correction). The Fabry-Ṕerot provides evenly spaced lines that cover the entire spectral
range (Bauer et al. 2015). Lastly, the most accurate calibration method is to use a laser
frequency comb which outputs a �nely, and evenly, spaced set of lines, in frequency space,
that looks vaguely like a comb, hence the name (Debus et al. 2021). This precision comes
at a cost as the devices are very expensive and complex.

Spectrographs intended for exoplanet surveys, such as HARPS2 (Mayor et al. 2003) and
CARMENES need to be as stable as possible in order to obtain the desired less than 1m=s
precision. This requires all optical elements to be incredibly stable as any movement will
cause an apparent shift greater than requirements. Even the air and ambient temperature
changes can a� ect the precision so the instruments are placed inside temperature con-
trolled vacuum vessels.

1.1.3. Spectral lines

1.1.3.1. Black body spectrum

In the mid 19th century, Gustav Kirchho� theorized that an idealized radiator would be
in thermodynamic equilibrium with its surroundings, absorb all electromagnetic radiation
incident upon it and have no re�ective properties. He described such an object as a black
body and the continuous spectrum resultant from such a body emitting radiation would be
black body, or thermal, radiation. This radiation is also known as cavity radiation as the
best attempts of realizing a theoretical black body in the physical world involved the use
of a cavity with a blackened interior and only one viewing port. This minimized interac-
tion with the outside world (Kirchho� 1860). While black bodies are theoretical concepts,
the spectra of many stars can be approximated by black body radiation. However, stellar
spectra show features such as atomic and molecular lines, which can cause strong devi-
ations from a black body spectrum. The e� ective temperature of a star is de�ned to be
the total radiation given o� by that star as equal to the total radiation a black body would
admit with a temperatureT. Wien's displacement law (Eqn. 1.1) describes the point of
maximum �ux density for a black body of given temperature. Adopting the stellar ef-
fective temperature, it can be used to estimate the intensity maximum of stellar radiation
(Karttunen et al. 2014).

1Calar Alto high-Resolution search for M dwarfs with Exoearths with Near-infrared and opticalÉchelle
Spectrographs.

2High Accuracy Radial velocity Planet Searcher
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Figure 1.2.:Blackbody spectra for objects ranging from 2500 K to 6000 K.

� maxT = 2:89777� 10� 3 m K: (1.1)

The �rst attempt to, mathematically, describe the spectrum of a black body, the Rayleigh-
Jeans approximation, �t the low energy portion of the spectrum well but predicted that
black bodies would emit in�nite amounts of ultraviolet radiation. It was therefore called
theultraviolet catastropheand classical physics could not appropriately address the issue.
The Rayleigh-Jeans approximation is given in equation 1.2 whereB� (T) is the spectral
radiance at a particular wavelength,kB is the Boltzmann constant,c is the speed of light,
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� is the wavelength andT is the temperature3.

B� (T) =
2ckBT

� 4
: (1.2)

It took Max Planck, with the assumption that the energy of light was quantized, that a
solution to the ultraviolet catastrophe was found (Planck 1900). The Planck equation

B� (T; � ) =
2hc2

� 5

1

e
hc

kBT� � 1
(1.3)

successfully reproduced the sharp dropo� in emitted radiation a blackbody experiences
toward the high energy end of the spectrum (Fig. 1.2). From this equation the blackbody
�ux equation can be derived

F = � T4: (1.4)

Integrating the blackbody �ux over the surface area of a sphere gives us the luminosity

L = 4� R2� T4 (1.5)

which is one of the most widely used equations in astrophysics.

1.1.3.2. Formation of spectral lines

The realization that light could be quantized led Niels Bohr to postulate that the en-
ergy levels of the atom were discrete and the transitions of electrons from high energy
states to low energy states would produce the emission spectra observed from heated gas
lamps (Bohr 1913). This discrete amount of energy would equate to the wavelength of
the emitted light. The �rst success in this was in explaining the Rydberg formula for the
spectrum of hydrogen and is given in equation 1.6 whereRH is the Rydberg constant and
nx indicates the energy level (Rydberg 1890). This, for the �rst time allowed for the pre-
diction of spectra of atoms rather than the spectra needing to be empirically described.
Following this, there were fewer claims of new elements being discovered in exotic en-
vironments (such as coronium or nebulium) as these were either rare or highly ionized
transitions of known elements

1
� vac

= RH

 
1
n2

1

�
1
n2

2

!
: (1.6)

As shown in Figure 1.3, a continuous spectra is seen when observing a dense, hot gas
directly. The formation of a continuous spectra can arise through a variety of mech-
anisms but in the case of stars the energy distribution of the continuum approximates

3For future equations in this work� will, unless otherwise noted, always refer to wavelength. T will refer
to temperature, h the Planck's constant, c the speed of light.
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Figure 1.3.:Formation of spectral lines. Direct view of a source produces a continuous spectrum.
View of a source through a cloud of cooler gas produces an absorption spectrum. View of that
same gas cloud not back dropped by a source produces an emission spectrum. Credit Openstax
Astronomyby CC-BY 4.0.

that of a black body curve. In hot stars the bound-free absorption of hydrogen can af-
fect the shape (Gray 2008). In cooler stars the absorption of the negative hydrogen ion
strongly a� ects the shape of the continuum (Branscomb & Pagel 1958; Wildt 1939). In
very cool stars strong absorption from molecular bands can completely mask the classical
continuum (Allard & Hauschildt 1995). Such spectra are referred to as being a pseudo-
continuum. Other features can be induced through absorption of various lines within the
hydrogen or helium atoms such as the Balmer or Paschen discontinuities (Gray 2008).

If a cloud of gas is between a continuous source and the observer, this cloud can absorb
some of the continuous spectrum and the energy is subsequently re-emitted in all direc-
tions. The absorbed wavelengths correspond to speci�c electron transitions within the
atoms/ions/molecules of that cloud. This causes less of the continuous spectrum to be ob-
served at that wavelength by the observer creating an absorption line. If this same cloud is
viewed without the background continuous source then those same lines would be viewed
in emission Gray (2008). This represents a basic two-layer model of a stellar atmosphere
but in reality the situation is more complicated.

Spectral lines are formed as a series of contribution functions that can be a� ected by the
environment of the atmospheric layer they are formed in (Je� eries 1968). The contribu-
tion function gives us how much each layer of the atmosphere is contributing to the line
formation (Magain 1986). This also gives us a convenient way of probing those environ-
ments. The fundamental parameter that a� ects spectral lines is the temperature gradient.
If the temperature, and thus the magnitude of the contribution function, decreases with
altitude then the line will appear in absorption. If the contribution function increases with
altitude then the line will appear in emission (Linsky et al. 1979). Lines will also vary
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with temperature depending on the transition constraints of the upper and lower electron
levels. For instance if the temperature of a gas is insu� cient to populate the originating
electron level with an electron then no line can form. If the temperature gradient is such
that the destination electron level is populated more than the originating level, an emission
line will be observed. This can be calculated using the Boltzmann equation. If the atom
is ionized then there would either be no line or an emission line depending on the degree
of ionization. This can be calculated using the Saha equation (Gray 2008).

Pressure can a� ect the formation of a line as well. As more atoms, in the process of un-
dergoing a line transition, are in�uenced by other nearby atoms or molecules, the energy
of the transitions can be a� ected. This tends to broaden the line (Gray 2008). A subtype
of pressure broadening that particularly a� ects hydrogen lines is the linear Stark e� ect, in
which nearby ions create an electric �eld that can split the energy levels of the hydrogen
atom. This broadening e� ect is particularly noteworthy on hot, early type, stars that have
many ions in their atmospheres (Sobel'Man et al. 1995).

The quantity of absorbing atoms in an atmosphere also has a strong e� ect on the forma-
tion and even existence on spectral lines as if there are no atoms capable of absorbing a
particular wavelength then no absorption occurs. As the number of absorbing atoms starts
to increase the line growth is proportional to the increase in the optical depth, the integral
of attenuation cross section and number density from the outside to the point in question,
usually denoted by� , of the surrounding atmosphere. In this stage the line is referred to as
being weak or optically thin. If the optical depth of the atmosphere continues to grow, the
line becomes saturated where the linear relationship between optical depth and absorption
are no longer linear. At this point the line is now optically thick and referred to as a strong
line Fig. 1.4. Observationally weak lines are Gaussian in shape and their growth is mostly
constrained to the line core. As the line strengthens wings will broaden noticeably. This
process is referred to as the curve of growth (Gray 2008).

1.1.3.3. Line broadening

After the temperature the most common environmental e� ect on a spectral line is broad-
ening. We will discuss the prominent causes of broadening in M dwarf atmospheres but
for a more complete treatment we refer to Böhm-Vitense (1992); Foukal (2004) and Gray
(2008). The fundamental width of a line is de�ned by the Heisenberg uncertainty princi-
ple in that the lifetime of an electron in an excited state and the energy di� erence between
the transition states can not be precisely known (Hubeny & Mihalas 2015). Thisnatural
broadeningleads to a Lorentzian pro�le (wider wings and narrower peak when compared
to a Gaussian) with a width on the order of 10� 4Å (Rutten 2003).

Another broadening process that leads to the formation of a Lorentzian pro�le is that of
pressure broadeningalso known as collisional broadening. This arises from the direct
interaction of atomic or molecular species in the gas. LTE conditions exist when a local-
ized patch of gas has su� cient interaction between particles that a single temperature is
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a good approximation (Reid & Hawley 2005a). Stellar interiors and the photosphere are
frequently approximated, in literature, using LTE. Above the photosphere, in the chro-
mosphere, this approximation no longer holds. This is due to the decrease in pressure
resulting in a decrease in particle collisions. These conditions make the LTE approxima-
tion progressively inappropriate (Gray 2008).

Due to the random motions of atoms in a gas in the radial direction of an observer the ob-
served wavelength of a transition can be altered. For an atom moving toward an observer
the wavelength is observed to be shorter, or bluer. For an atom moving away the wave-
length with be observed to be longer, or redder (Sobel'Man et al. 1995). This Doppler
shift can be calculated with Eq. 1.7 whereVr is the velocity in the radial direction of the
observer (Doppler 1842).

Vr

c
=

� �
�

(1.7)

Taken together the random motions of the gas will follow the Maxwellian distribution
of velocities and will give rise to athermal broadeningterm. The magnitude of this
broadening is given by Eq. 1.8 wherem is the mass of the atomic species in question.

� � =
�
c

2kT
m

(1.8)

The observational consequence of this is that lighter atoms, like hydrogen (� � � 0:25Å),
are more a� ected than heavier atoms, like calcium (� � � 0:02Å).

Bulk motions of a gas can also lead to a Doppler shift as any motion along the observers
radial of light emitting gas will. ReplacingVr with Vs in Eq. 1.7 for the speed of sound
can place an upper limit on the expected value of thisturbulent broadeningterm. Mihalas
(1978) estimate thatVs for the solar chromosphere was about 8km s� 1. This leads to a
broadening of 0.1Å for Caii HKand 0.18Å for H� .

Taken together the thermal and turbulent broadening are referred to as theDoppler broad-
eningand amount to 0.1Å of broadening for calcium lines and 0.3Å for H� . The line
pro�le of lines shaped by Doppler broadening can be well represented by a Gaussian pro-
�le and is referred to as the Doppler core of the line. If pressure broadening is dominant,
a Lorentzian pro�le is generally a better �t. When both pressure broadening and Doppler
broadening are important a Voigt pro�le is generally a better �t.

An object's rotation can also lead to broadening e� ects as the oncoming and retreating
hemispheres of the object will have di� erence Doppler shifts. Thisrotational broadening
is proportional to the rotational velocity of the object multiplied by the sine of its incli-
nation to the observer. As we cover in Chapter 7 the rotational broadening of rapidly
rotation M dwarfs can be impressive with a broadening in excess of 1Å (Newton et al.
2016; Johnson et al. 2021). On the slowest rotating M dwarfs this broadening term is
negligible.

Spectral lines can also be a� ected by being within an electric or magnetic �eld. The
Stark e� ectcan broaden and eventually split the spectral lines of a gas in a strong electric
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Figure 1.4.: Line saturation. Spectral line pro�les as a function of increasing optical depth (tau),
as described in Section 1.1.3.2. The �gure illustrates the transition from an optically thin, weak,
line, in which the doubling of the optical depth results in a doubling of the absorption, to optically
thick, where the doubling of optical depth does not result in the doubling of absorption. At this
point the line has begun to become saturated and is considered a strong line. Credit Michael
Richmond under a Creative Commons License.

�eld (Fulcher 1915). The operating mechanism is that the positively charged nucleus of
the atom will move in the opposite direction to the negatively charged electron and this
will either add or detract energy from the transition of the electron between states. In a
mild electric �eld this will broaden the line but in extreme cases will split the line into mul-
tiple discrete lines. TheZeeman e� ect, like the Stark e� ect, broadens and eventually splits
the spectral line (Robinson 1980; Saar 1988; Shulyak et al. 2017; Böhm-Vitense 1992).
The Zeeman e� ect works on the dipole moment of an atom and the angular momentum
of the electrons within that atom, allowing for more energy levels for the electron to tran-
sition from thereby broadening and eventually splitting the line (Zeeman 1896). While
nature has many processes that can broaden spectral lines our instruments also contribute
as no spectrograph has in�nite resolving power. This will induce broadening by e� ec-
tively smoothing the line pro�le. Thisinstrumental broadeningaccounts for about 0.07Å
of line broadening in the region around H� using the CARMENES instrument.
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1.1.4. Forbidden line transitions

The occurrence of an electron transition producing an observed line is given by the elec-
tronic selection rules and the probability of that transition taking place. The electronic
selection rules state that the spin of the electron cannot change. The change in the total
orbital angular momentum can be -1,0 or 1 but cannot transition from 0 to 0. Similarly
the total angular momentum change can be -1, 0 or 1 but not transition from 0 to 0 (Atkins
et al. 2018). Lastly the initial and �nal wave functions must change parity. The transitions
that would break these rules are considered forbidden (Gray 2008). The word forbidden,
however, should be taken a bit loosely and is more akin to the transition being very un-
likely. The most prominent forbidden transition is the Oiii 5777Å line which gives some
nebulae their greenish color. This transition was �rst thought to be a new element (neb-
ulium) but was later found to be the aforementioned transition of oxygen (Huggins &
Miller 1864; Bowen 1927).

In higher pressure environments, this transition cannot be observed as the time it takes
for a transition to occur is vastly greater than the time between interactions of the oxygen
atom with another atom which can bump the electron out of the originating energy state.
Usually the only way out of these metastable states is to be excited back up to a higher
energy state or collisionally de-excited through interaction with another atom (Böhm-
Vitense 1992). These meta stable states can also be populated by collisional excitation
from another state if the temperature of the medium is su� cient to cover the di� erence
between the lower energy state and that of the meta stable state. Conversely to the forbid-
den lines, the strongest lines of a particular atom are those that transition to the ground
state, or lowest energy level, of the atom. These lines are referred to as resonant lines
and are usually quite prominent in a spectrum. Notable examples of resonant lines are
Ly-� ,Na i D1&2, and Caii HK (Morton 1990).

1.2. Exoplanet detection

Two of the most compelling reasons for humanity to study astronomy throughout the ages
was either to get closer to whatever deity (or deities) they believed in or to try to answer
whether or not there was anything like us or another Earth out there. In ancient times the
�rst planets were noticed by eye as points of light that moved against the background of
stars. These were called 'wandering stars'-'planets' by the ancient Greeks. They were
able to identify 5 planets and ascribed them the names of their pantheon of gods. Later
the Romans took the same naming convention and ascribed the planets their names of the
same pantheon of gods. Names that they are still known by today: Mercury, Venus, Mars,
Jupiter and Saturn. During the 19th century telescopes had become large enough to detect
two additional planets, Uranus and Neptune. The 20th century added diminutive Pluto to
our pantheon of planets. Pluto remained until the 2000s when it was demoted to the status
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of dwarf planet, with the discovery of like-sized objects with similar orbits around the
Sun.

By the early 1980s the distribution of solar system planets had a distinct pattern in which
the types of planets were organized. The small, terrestrial planets, like Earth, exist close to
the Sun followed by the massive gas giants (Jupiter and Saturn) with Uranus and Neptune
taking up next with the small icy planets, like Pluto at the furthest edge of the system.
When the �rst planets, in 1992, were discovered around another star they were noth-
ing that we expected. The planets were small and rocky but they orbited a neutron star
(Wolszczan & Frail 1992). This corpse of a massive star that had gone supernova had
probably destroyed any solar system it previously had, so it has been theorized that they
formed from the debris leftover from the supernova. Podsiadlowski (1993), however, ar-
gues for a white dwarf merger event as a more likely progenitor to planet formation in
this system.

The �rst planet around a Sun-like star, 51 Pegasi b, was also not like anything in our own
system. 51 Pegasi b has a mass about half that of Jupiter, but orbited so close as to have
a year of only 4.23 days with a semi-major axis of only 0.05 astronomical units (Mayor
& Queloz 1995). This was the �rst discovery of a 'hot Jupiter'- a gas giant that orbits
extremely close to its host star. Needless to say this discovery caused not a small amount
of consternation among those working on planet formation as this style of system was
radically di� erent from our own. This consternation grew with additional discoveries
of such systems but was allayed with additional discoveries of more systems more akin
to our own, systems that had planets in stable, circular orbits relatively far from their
stars. We have yet to �nd a system that is a direct analog of our own as this is only now
entering the detection regimes of the newest instruments. The discovery of hot Jupiters
was a observational bias in that, due to their mass and proximity, they had the most e� ect
upon their host stars. In 2003 (Hatzes et al. 2003) the planet
 Cephei b was announced
which con�rmed a disputed planetary discovery from 1988 (Campbell et al. 1988). This
is arguably the �rst exoplanet discovered but, due to the long time it took to con�rm
the discovery, is not usually considered as such. The discovery of these and subsequent
exoplanets occurred through use of four primary techniques: Direct imaging, gravitational
microlensing, transits and radial velocity. We will brie�y discuss each method, going a
little more in depth on the radial velocity method as that is the most pertinent to working
with CARMENES data, but refer to Bozza et al. (2016) and Perryman (2018) for a more
complete description.

1.2.1. Direct imaging

What may seem the most straight-forward method of detecting an exoplanet-taking a
picture- is, in actuality, one of the most di� cult. The main issue is that the angular sepa-
ration of a planet from its host star is usually exceptionally small and at those separations
the brightness di� erence between the host star and the planet can be on the order of 109

in the visual band. Thus far the best technique is to use a coronagraph to blot out the
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light from the host star in the infrared and to target young star systems where the planets
would still be hot from their formation (Fig. 1.5). In the most favorable of conditions the
contrast between the star and planet can be reduced to a factor of 100 (Colloquium et al.
2006). Even with this, however, the closest con�rmed planet, using this method, to its
host star is� Pictoris b, a 12.7 Jupiter mass planet with the semi-major axis similar to that
of Saturn (Lagrange et al. 2009).

1.2.2. Gravitational microlensing

While the direct imaging method may be the most technically di� cult to achieve, the
gravitational microlensing method is the most dependent on luck. The stars literally have
to align just right and be observed doing so in order to make a discovery. The process
relies on general relativity's prediction that massive objects bend the fabric of space-time.
Light traveling through this disturbed region will bend along with space-time, in e� ect
creating a very large lens (Gould 2000). This works on the same principal as gravitational
macrolensing, just with the angular resolution ampli�cation still below the telescope's
resolving threshold, in which a large galaxy will amplify a background object, like a
quasar, making it large and bright enough to be observed on Earth. The smaller scale
version happens when a planet-bearing star system passes in front of a background star,
relative to us, there is a possibility that both the parent star and the planet will lens the
background light, making it appear brighter. Analysis of the light curve can determine
the mass, radius and semi-major axis of the planet (Fig. 1.6). The bene�ts of this method
are that it allows for extremely distant planet detection, potentially extragalactic (An et al.
2004). Microlensing can also detect small planets close to their stars, to the point of
detecting Earth mass planets around Sun-like stars, the downside of this method is that
it is a one time event and, given that the distances can be potentially extra-galactic in
nature (Dai & Guerras 2018), prevents follow-up with other detection methods (Bozza
et al. 2016).

1.2.3. Transit method

The transit method of exoplanet detection is done by measuring the small dip in light
caused by a planet passing in between the star's photosphere and Earth (Konacki et al.
2003). This small dip is directly related to the radius of the planet (Fig. 1.7). However,
due to a number of potential false positives any light curve that exhibits a dip can only
be described as a planetary candidate and must be con�rmed by other methods (Bozza
et al. 2016). This detection method is also a� ected by stellar activity as star spots can
also create an irregular light curve. While this method can be achieved with ground based
telescopes, it is far more e� ective using space-based telescopes that can focus on an area
of sky for an extended period of time and without the interference of the atmosphere.
With the Kepler and TESS space telescopes this method has resulted in the majority of
exoplanet discoveries (Bozza et al. 2016; Ricker et al. 2022).



14 1. Introduction

Figure 1.5.:HR8799 system. Detection of an exoplanet via direct imaging. Modi�ed from NASA,
Credit: Jason Wang and Christian Marois, via Creative Commons License.
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Figure 1.6.: Gravitational Microlensing event. Credit ESO, data from OGLE under CC BY-SA
4.0 Source: ESO.

Figure 1.7.: Transiting exoplanet WASP-96b photometric pro�le. Credit ESA, NASA, CSA, and
STScI used under CC-BY 3.0. Source: ESA.
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Figure 1.8.: Radial velocity signature imparted upon a star by an orbiting planet.Credit Tene��
Wikimedia Commons under CCO 1.0 license.

1.2.4. Radial velocity

The aforementioned �rst planet discovered around a Sun-like star, 51 Pegasi b, was dis-
covered using the radial velocity method. This process works by detecting the red or blue
Doppler shift of stellar spectral features caused by an orbiting planet inducing a small
velocity on its host star (Fig. 1.8). The magnitude of this velocity is directly related to
the mass-ratio of the star-planet system and is given with equation 1.9.K refers to the
semi amplitude,G is the gravitational constant,P refers to the period,MP the mass of
the planet,M� the mass of the star,i the inclination ande the orbital eccentricity. This
method is the method most often employed to con�rm transit planetary candidates. Doing
so gives us a mass, from the amplitude of the radial velocity signal induced on the star,
and a radius, from the amount of stellar light occulted by the planet, thereby allowing for
a rough categorization of these planets via their densities (Perryman 2018).
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The radial velocity method is among the more technically challenging methods to suc-
cessfully employ, especially when looking for Earth analogs. Earth induces a roughly
0.1m s� 1 velocity on the Sun (Perryman 2018; Seager 2010). This level of precision is
achievable by only the newest of ultra stabilized spectrographs like ESPRESSO (Pepe
et al. 2021). This, however, does not account for variability of stars, such as stellar activ-
ity, that can further complicate detection e� orts. Thus �nding Earth-mass planets around
Sun like stars has been beyond our technical capabilities until very recently. Lower mass
stars also have the added bene�t of being cooler and their habitable zones being closer
to the star (Kasting et al. 1993; Kopparapu et al. 2013). Thereby an Earth-mass planet,
in the habitable zone, would induce an apparent velocity of 1m s� 1 (Endl et al. 2003) on
the star. This is bene�cial not only for the higher chance of detection but also due to
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the shorter orbital periods of these planets as more complete orbits can be observed in a
shorter time. In order to detect this motion, spectrographs have to be extremely stable in
temperature and pressure while using a precise wavelength reference. Some of the �rst
instruments of this nature are HIRES (Vogt et al. 1994), UVES (Dekker et al. 2000) and
HARPS (Mayor et al. 2003) and worked mostly in the range of 400 to 800nm. Now in-
struments such as CARMENES (Quirrenbach et al. 2010) , CRIRES+ (Dorn et al. 2016)
and SPIRou (Donati et al. 2018) are attempting to reach 1m s� 1 precision in the infrared.
Even with such an instrument the detection can be disrupted by the star itself. Stellar ac-
tivity can induce apparent velocity deviations on the order of several hundred meters per
second. These can be caused by cool spots changing the nature of the integrated stellar
spectrum to �ares that can temporarily alter a star's spectrum to that of a much hotter star.
In the attempt to �nd an Earth-analog it is therefore imperative to know the instrument
and the star extremely well (Bozza et al. 2016).

1.3. Stellar classi�cation

Stellar classi�cation has been an enterprise undertaken by humanity since the earliest days
of written records and most likely before, as it was important to know which stars indi-
cated planting and harvesting times. In ancient Greece, Hipparchus was the �st recorded
e� ort to classify all stars. He did so by judging how bright they were to his eye. The
brightest stars were called �rst magnitude and the dimmest sixth. This system has sur-
vived, in part, to the modern day as the magnitude system. It wasn't until the advent
of spectroscopy in the early to mid 1800s as an e� ective tool to study stars that stellar
classi�cation could take the next step toward the system we utilize today.

1.3.1. Spectral types

The origin of the modern spectral classi�cation system came from the Draper system
which arranged stars according to the strength of their hydrogen lines from A, with the
strongest lines, to M, with the weakest. This system also included non-stellar objects like
planetary nebulae. In the early 20th century, with the understanding that the hydrogen line
strength increased and decreased according to the temperature of the stellar photosphere,
Annie Jump Cannon reordered the stellar classi�cation letters of the Draper system into
the modern orientation of O B A F G K M with O (Fig. 1.9) being the hottest (early)
and M being the coolest (late) (Cannon & Pickering 1912). Additionally she subdivided
each class with numerals to create �ner classi�cations of stars. While this system was
later amended with newer information, such as the addition of brown dwarf classi�ca-
tions of L T Y, this Harvard system has been the default spectral classi�cation system for
the last hundred years (Johnson & Morgan 1953; Morgan et al. 1943). This system, as
well as the knowledge of the absolute magnitude of stars, allowed Ejnar Hertzsprung and
Henry Russell to develop the HR diagram which made e� ective study of the evolution of
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Figure 1.9.: The Hertzsprung-Russel diagram detailing the characteristics of stars on their evolu-
tion from the main sequence to stellar remnant. Credit ESO used under CC-BY 4.0
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stars possible (Hertzsprung 1909; Russell 1914) and did away with the notion, still from
the Kelvin-Helmholtz era, that the brighter stars were younger and evolved into cooler,
smaller stars as they contracted from losing heat (Bradt 2008).

1.3.2. Luminosity classes

While the Harvard system sorts stars based on which lines are present, it was noted that
these lines did not always appear to have the same shape. In some stars the lines were
extremely broad and shallow while in others almost needle-like. This was found to be
caused by the physical size of the star rather than by its mass and temperature. The larger
the star is the lower the density of the gas at the photosphere. This reduces the e� ect of
thermal and pressure broadening on the spectral line making them appear thinner than
a smaller star of the same temperature. The di� erent classes were denoted by roman
numerals with class I being hypergiants and supergiants (later split into Ia and Ib), class II
being bright giants, class III giants, class IV subgiants, class V dwarfs and VI (or sd) for
sub dwarfs. Main sequence stars are classi�ed as dwarfs so our Sun would be labeled as
a G2V star whereas a much larger star of the same surface temperature as our Sun would
be a G2III as an example (Karttunen et al. 2014).

1.3.3. M dwarfs

In the bottom right of the HR diagram reside the coolest, smallest stars. In the original
form of the Harvard system these stars were denoted with the letter M to indicate the very
weak hydrogen lines present in their spectra. Unlike their alphabetical neighbors, the O
stars, the lack of hydrogen lines in M stars is due to insu� cient temperature to form the
hydrogen lines rather than being so hot that all of the hydrogen is ionized. The signi�cant
di� erence between late type and early type stars, besides their hydrogen lines, is that
these late type stars are so cool that they have abundant molecular absorption features in
their spectrum. Most prominent among these features are abundant bands of TiO and VO.
Kirkpatrick et al. (1991) has used these bands in order to de�ne spectral subtypes from
K5 to M9. The temperature over the M star spectral type ranges from 3850 K (M0V)
to 2400 K (M9.5V) (Pecaut & Mamajek 2013). It should be noted that di� erent models
have slightly di� erent temperature ranges but nearly all have the range between 4000 K
and 2000 K (Husser et al. 2013).

The smallest M dwarfs have a radius of only 8% that of our Sun (Reid & Hawley 2005b)
which makes them comparable to radius of Jupiter, although with a mass of 0.075M� ,
they are 80 times more massive than Jupiter (Chabrier & Bara� e 2000). The smallest M
dwarfs have a luminosity of only 1:5�10� 4 L� (Reid & Hawley 2005b). The smallest of the
M dwarfs are also fully convective. This allows for the core to be refreshed with hydrogen
from the envelope. Consequently, their lifespans can be up to 1013 years (Laughlin et al.
1997). At around spectral subtype M4V this fully convective nature changes to a more
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solar-like con�guration of a radiative core and convective envelope (Chabrier & Bara� e
1997). The most massive M dwarfs are 0:6 M� with radii of 0:62 R� and luminosities
of 7:2 � 10� 2 L� (Reid & Hawley 2005b). With a luminosity this low, even the closest
M dwarf to our Sun, Proxima Centauri-M5.5V, is not visible to the human eye (Boyajian
et al. 2012). Due to their low mass and long life, M dwarfs are the most common stars
in the galaxy with 75% of stars within 10pc of the Sun being within this class (Henry
et al. 2018). As stated in Section 1.2, their low mass and close-in habitable zone make
these stars ideal targets for planet searches. Additionally lower mass stars tend to more
commonly have planets (Gaidos et al. 2016). Unfortunately for any potential life on these
planets, these stars are also prone to high energy �ares and coronal mass ejections. We
will go into more detail on this in Section 7.1.

1.4. Stellar structure

All main sequence stars, those that are converting hydrogen to helium in their cores,
have three main structural elements. The core, the envelope and the atmosphere. The
core comprises the interior 10% of the star and is the only region of the star that re-
leases energy through nuclear fusion (Kippenhahn & Weigert 1990). When a star is burn-
ing, or fusing, Hydrogen into Helium in its core, called the main sequence (Hertzsprung
1909), two processes can be dominant, depending on the mass of the star. In low mass
stars the proton-proton (pp) chain is dominant where initially two hydrogen atoms fuse
and one of the protons becomes a neutron creating deuterium (Adelberger et al. 2011).
Subsequently two deuterium atoms fuse creating Helium (Fig. 1.10). While the pp chain
reaction rate is highly sensitive to temperature the other process, the CNO cycle, is even
more so (Kippenhahn & Weigert 1990). In stars greater than roughly 1.5 times the
mass of the Sun the core temperature approaches 15 million Kelvin and the CNO cy-
cle becomes dominant over the pp chain (Dunlap 2021). The CNO cycle operates by
using Carbon, Nitrogen and Oxygen as catalysts to facilitate fusing hydrogen into he-
lium (Fig. 1.11) (Bethe 1939). The CNO cycle is a far more e� cient energy generating
process than the pp chain. The switch over between the two also changes the dominant
energy transport mechanism of the core from radiative with the pp chain to convective
with the CNO cycle (Bradt 2008). As the mass of a star increases to 1.5M� the CNO
cycle becomes dominant and the core becomes convective. This change is caused by a
change in the temperature gradient (Bradt 2008). The convective envelope in low mass
stars switches to being predominantly radiative in nature with an ever shrinking con-
vective zone on the outer edge of the star (Fig. 1.12). This has an observational e� ect
in that higher mass stars will have a much more rapid convective rate than low mass
stars. Ultimately when a star is massive enough then the entire envelope becomes radia-
tive (Kippenhahn & Weigert 1990).
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Figure 1.10.:Proton-Proton chain fusion reactions. Credit Sarang Public Domain via Wikimedia
Commons
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Figure 1.11.:Carbon-Nitrogen-Oxygen (CNO) hydrogen fusion catalyst process. Credit Sarang,
Public Domain via Wikimedia Commons

Figure 1.12.:Energy transfer in stars. High mass stars (blue) have a convective core and radiative
envelope while low mass (yellow) stars have a radiative core and convective envelope. Very low
mass stars (red) are fully convective. Credit Sun.org under CC-BY-SA 3.0
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