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Abstract
The solar atmosphere is a highly dynamic and magnetically complex environ-
ment, where two of the key open questions are how the corona is heated to over
a million kelvin and how the solar wind is generated. Small-scale activities, such
as bright points, small jets, and spicules, are believed to play a fundamental role
in supplying energy and material to the corona. Although these energy releases
are subtle compared to large-scale events, they may be pervasive enough to con-
tribute signi�cantly. Due to their transient and small-scale nature, observations
in high resolution, both spatially and temporally, are essential for understanding
the mechanisms underlying these small-scale energy releases and assessing their
role in sustaining the coronal temperature and driving the solar wind.

Along with the advancements in observational techniques, our understanding
of small-scale structures in the corona has signi�cantly improved over the past few
decades. The launch of Solar Orbiter in February 2020 has further expanded these
opportunities. It follows a unique highly elliptical orbit, allowing it to observe the
Sun from as close as 0.28 au at perihelia and to capture the high-latitude views
of the polar regions (starting from 2025). Solar Orbiter carries ten instruments,
both in-situ and remote-sensing, including the Extreme Ultraviolet Imager (EUI)
for high-resolution imaging, the Spectral Imaging of the Coronal Environment
(SPICE) for spectroscopic analysis, and the Polarimetric and Helioseismic Imager
(SO/PHI) for magnetic �eld measurement, o�ering valuable data for studying
the small-scale dynamics in the solar atmosphere.

This thesis presents the results of two main investigations. The �rst study
is focused on the EUI brightenings in the quiet sun, the smallest transient EUV
brightenings that have been so far reported, based on the high-resolution ob-
servations from EUI. Three EUI brightenings are captured by both the High
Resolution EUV telescope (HRIEUV , part of EUI) and SPICE in this study. The
detection of the EUI brightenings is almost at the limit of SPICE’s capability,
which means that the identi�cation of these structures is only possible with the
assistance of HRIEUV images. On the other hand, SPICE can provide the multi
thermal information of the brightenings. By combining both data sets, two of
these EUI brightenings with longer duration are found to be detectable at Neviii
temperature (0.6 MK). The signatures of all three brightenings are detected in
an O vi line (0.3 MK). It is also possible to investigate the thermal evolution of
one of these brightenings, where double peaks are observed in the light curves
of C iii (0.06 MK) and O vi , while the only peak in the light curve of Neviii is
found between the two peak times of the intensities of the two transition region
lines. This suggests that the temperature of this brightening could increase from
the formation temperature of the Ciii line to that of the O vi line and then
to the Ne viii temperature (from upper transition region to low corona), and
then it cools down. These �ndings also lead to the conclusion that some EUI
brightenings could barely reach coronal temperatures. As part of this study I
also derive a model of the noise of the SPICE detectors. As these detectors are
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conceptually very similar to those that will be used on future missions such as
the Extreme Ultraviolet Spectroscopic Telescope (EUVST) under construction
for the forthcoming Solar-C mission, these results will be applicable with only
minor adaptation.

The second part of this work is about the small-scale transients in the coro-
nal hole plumes. Plumes are the largely ray-like structures that could channel
magnetohydrodynamic waves and solar wind and are observed to host high-speed
propagating disturbances (PDs) and small-scale transients at their bases. Three
plumes are detected within an equatorial coronal hole by HRIEUV . At these plume
bases, from tens to hundreds of base brightenings are observed in the 30-min ob-
servation. Their properties (intensity, size, lifetime, shape and apparent speed)
are studied statistically. The results show that most of the base brightenings
are small-scale, short-lived and appear slightly elongated. These brightenings ex-
hibit complex motion, with most moving at speeds below 10 km s� 1 in the plane
of sky. Potential �eld extrapolation, based on magnetic �eld data obtained by
SO/PHI, is applied to de-project the apparent speed to the real velocity along
the magnetic �eld, which is still found to be signi�cantly lower than, and hard to
reconcile with, the higher speeds observed in PDs at greater heights within the
plumes. Since a direct connection between base brightenings and PDs remains
uncertain, two possible explanations are proposed for the base brightenings: they
could be associated with wave-driven Type I spicules or result from interchange
reconnection events.

In summary, this study utilizes a diverse set of high-resolution observations
from Solar Orbiter to investigate small-scale structures in both the quiet Sun
and coronal hole regions. These data provide valuable insights into the charac-
teristics of these structures and the physical mechanisms behind them. Due to
the limitations of the data sets, certain aspects remain inconclusive in this work
and require further investigation with observations from multiple instruments. In
the last chapter I �nally provide some considerations of how observations from
forthcoming missions such as EUVST and Multi-slit Solar Explorer (MUSE) will
be able to improve our knowledge of the events studied in this thesis.

Key words. Sun: activity � Sun: atmosphere � Sun: magnetic �elds � Solar
Wind � Sun: UV radiation
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Zusammenfassung
Die Sonnenatmosphäre ist eine hochdynamische und magnetisch komplexe Umge-
bung, in der es zwei zentrale ungelöste Fragen gibt: Wie wird die Korona auf über
eine Million Kelvin erhitzt und wo hat der Sonnenwind seinen Ursprung? Kleine
Aktivitäten wie Aufhellungen, kleine Jets und Spikulen spielen eine wichtige Rolle
beim Energie- und Materialtransport in die Korona. Diese Energieentladungen
sind zwar, im Vergleich zu gröÿeren Ereignissen, subtiler, könnten jedoch ver-
breitet genug sein, um einen signi�kanten Beitrag zu leisten. Aufgrund der Kur-
zlebigkeit und geringen Fläche dieser kleinen Energieentladungen sind hochau-
�ösende Beobachtungen, sowohl räumlich als auch zeitlich, unerlässlich, um die
Mechanismen dahinter und somit und ihre Rolle bei der Aufrechterhaltung der
koronalen Temperatur und der Erzeugung des Sonnenwinds zu verstehen.

Durch Fortschritte an den Instrumenten zur Sonnenbeobachtung hat sich
unser Verständnis der kleine Strukturen in der Korona in den letzten Jahrzehn-
ten erheblich verbessert. Mit dem Start von Solar Orbiter im Februar 2020
haben sich diese Möglichkeiten nochmals erweitert. Solar Orbiter folgt einer
einzigartigen, stark elliptischen Umlaufbahn, die es ihm ermöglicht, die Sonne
aus einer Entfernung von 0,28 au im Perihel zu beobachten und die Polarregionen
in hohen Breitengraden zu erfassen (seit 2025). Die wissenschaftliche Nutzlast
von Solar Orbiter besteht aus zehn Instrumenten für Fern- und in-situ Beobach-
tungen. Zu den Fernerkundungsinstrumenten gehören das Extreme Ultraviolet
Imager (EUI) für hochau�ösende Bilder, das Spectral Imaging of the Coronal
Environment (SPICE) für spektroskopische Analysen und das Polarimetric and
Helioseismic Imager (SO/PHI) zur Magnetfeldmessung, die wertvolle Daten zur
Untersuchung kleinen dynamischen Prozessen in der Sonnenatmosphäre liefern.

Diese Dissertation präsentiert die Ergebnisse aus zwei Studien. Die erste
Studie konzentriert sich auf die EUI-Aufhellungen in der ruhigen Sonne. Hi-
erbei handelt es sich um die kleinsten EUV-Aufhellungen, die bisher berichtet
wurden. Sie wurden mit Hilfe der hochau�ösenden Beobachtungen von EUI un-
tersucht. Drei EUI-Aufhellungen werden in dieser Studie sowohl vom High Res-
olution EUV Telescope (HRIEUV , Teil von EUI) als auch von SPICE erfasst. Die
Detektion dieser EUI-Aufhellungen liegt nahe der Au�ösungsgrenze von SPICE,
was bedeutet, dass die Identi�zierung dieser Strukturen nur mit Unterstützung
von HRIEUV -Bildern möglich ist. SPICE kann jedoch multitermale Informatio-
nen der EUI-Aufhellungen liefern. Durch die Kombination beider Datensätze
zeigt sich, dass zwei dieser EUI-Aufhellungen mit längerer Dauer bei Neviii -
Temperaturen (0,6 MK) nachweisbar sind. Alle drei EUI-Aufhellungen sind in
einer Ovi -Linie (0,3 MK) nachweisbar. Es ist auch möglich, die thermische En-
twicklung eines dieser Ereignisse zu untersuchen, bei dem doppelte Spitzen in
den Lichtkurven von Ciii (0,06 MK) und O vi , beobachtet wurden, während
eine einzige Spitze in der Lichtkurve von Neviii zwischen den beiden Spitzen
der Übergangsregion-Linien liegt. Dies deutet darauf hin, dass die Temperatur
dieses Ereignisses von der Ciii -Linientemperatur über die O vi -Linie bis hin zur
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Ne viii -Temperatur (von der oberen Übergangsregion bis zur unteren Korona)
steigen könnte, um dann abzukühlen. Diese Ergebnisse legen ebenfalls nahe,
dass einige EUI-Aufhellungen kaum die koronale Temperatur erreichen können.
Im Rahmen dieser Studie leite ich auch ein Modell für das Rauschen der SPICE-
Detektoren ab. Da diese Detektoren konzeptionell denen, welche bei zukünftigen
Missionen wie dem sich im Bau be�ndlichen Extreme Ultraviolet Spectroscopic
Telescope (EUVST) für die bevorstehende Mission Solar C verwendet werden,
sehr ähneln, werden diese Ergebnisse mit nur geringen Anpassungen anwendbar
sein.

Der zweite Teil dieser Arbeit befasst sich mit kleinen und vorrübergehenden
Ereignissen in Plumes, welche in koronalen Löchern vorkommen. Plumes sind
groÿe strahlenartige Strukturen und können magnetohydrodynamische Wellen
und den Sonnenwind kanalisieren. An ihren Fuÿpunkten lassen sich sehr schnell
ausbreitende Störungen (propagating disturbances, PDs) sowie kleine vorrüberge-
hende Ereignisse beobachten. Drei Plumes wurden innerhalb eines äquatorialen
koronalen Lochs von HRIEUV erfasst. An den tie�iegenden Teilen dieser Plumes
wurden in einer 30-minütigen Beobachtung von mehreren Dutzend bis hin zu
mehreren hundert tief-liegende Aufhellungen (base brightenings) festgestellt. Es
wurde eine statistische Analyse ihrer Eigenschaften (Intensität, Gröÿe, Lebens-
dauer, Form und Geschwindigkeit) durchgeführt. Die Ergebnisse zeigen, dass
die meisten base brightenings klein, kurzlebig und leicht länglich erscheinen.
Die base brightenings zeigen komplexe Bewegungen, wobei sich die meisten mit
Geschwindigkeiten von unter 10 km s� 1 in der Bildebene der Sonne bewegen.
Mit einer potentielle Magnetfeldextrapolation auf Grundlage von SO/PHI-Daten
lässt sich die scheinbare Geschwindigkeit auf die reale Geschwindigkeit entlang
des Magnetfelds entprojezieren. Die Geschwindigkeit ist jedoch immer noch
signi�kant niedriger ist als die höheren Geschwindigkeiten der PDs in höheren
Regionen der Plumes. Da eine direkte Verbindung zwischen base brightenings
und PDs unsicher bleibt, werden zwei mögliche Erklärungen für die base bright-
enings vorgeschlagen: Sie könnten mit wellentreibenden Typ-I-Spikulen oder mit
Austauschrekonnexionsereignissen zusammenhängen.

Zusammenfassend nutzt diese Dissertation eine Vielzahl an hochau�ösenden
Beobachtungen von Solar Orbiter zur Untersuchung von kleinen Strukturen sowohl
in der ruhigen Sonne als auch in einem koronalen Loch. Diese Daten liefern
wertvolle Einblicke in die Eigenschaften dieser Strukturen und die ihnen zugrun-
deliegenden physikalischen Mechanismen. Aufgrund von Einschränkungen in den
Datensätzen bleiben einige Aspekte in dieser Arbeit ungeklärt und erfordern weit-
ere Untersuchungen, die Beobachtungen mit mehreren Instrumenten umfassen.
Im letzten Kapitel gehe ich schlieÿlich darauf ein, wie die Beobachtungen kün-
ftiger Missionen wie EUVST und der Multi-slit Solar Explorer (MUSE) unser
Wissen über die in dieser Arbeit untersuchten Ereignisse verbessern können.
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Chapter 1

Introduction

The Sun, our closest star, is a dynamic, evolving celestial object that has under-

gone signi�cant changes since its early formation. According to stellar evolution

models, the Sun emerged from a cloud of gas and dust. It formed as a T Tauri

star (Hayashi 1961) and settled into its current G2 classi�cation upon entering

the main sequence phase (Chapter 2.2 in Stix 2002). In approximately 5 billion

years, the Sun will leave the main sequence and enter a red giant phase, dra-

matically expanding in size (Sackmann et al. 1993). At the current stage of its

evolution, it is formed by a central core (where nuclear reactions powering the

star take place), a zone from about 25% to 70% of its radius where energy is

transported by radiation, and a zone reaching to the visible surface (the so-called

photosphere) where energy is transported by convection. The solar atmosphere

starts at the photosphere and extends outward, which is the main topic of this

thesis.
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CHAPTER 1. INTRODUCTION

1.1 Solar atmosphere

1.1.1 Overview of the solar atmosphere

Charged particles in the solar atmosphere are under the e�ect of thermal pressure,

Lorentz force and gravity. Among them there are two internal pressures, i.e., the

thermal pressure, arising from the random motions of the particles, and the

magnetic pressure, originating from the Lorentz force the magnetic �eld applies

to the charged particles, in�uencing how plasma behaves in the presence of

magnetic �elds. Due to the low resistivity in the solar atmosphere, the plasma

and the magnetic �eld are coupled to move together. Note that, the �movement�

of magnetic �eld is a result of charged particles in motion, which create currents

that, in turn, generate the secondary �elds that keep the magnetic �ux constant.

When the thermal pressure dominates, the plasma modi�es the magnetic �eld

with its motion. Otherwise, it follows the structure of the magnetic �eld. The

parameter describing their relation is called plasma� , de�ned as the ratio of the

thermal pressure (Pth = nkT , under the assumption of the solar atmosphere

being an ideal gas) to the magnetic pressure (Pmag = B 2=2� 0):

� =
Pth

Pmag
=

nkT
B 2=2� 0

(1.1)

where n is the number density of particles,T is the temperature, B is the

magnetic strength,k is Boltzmann's constant and� 0 is the vacuum permeability.

Figure 1.1 shows a plasma� model from Gary (2001), where the author

considered the magnetic �eld strength between 2500 Gauss and 150 Gauss. It

is clear that the solar atmosphere has high-� regions: the photosphere and solar

wind acceleration region; low-� regions: the transition region and the corona;

and an intermediate-� region: the chromosphere. This indicates that, the plasma

and magnetic �eld interact in di�erent ways at di�erent heights, structuring the

solar atmosphere.

An overview of the solar atmosphere can be found in Figure 1.2. Gener-

ally, the solar atmosphere is referred to as a "multi-layer" structure (from inside

to outside: the photosphere, the chromosphere, the transition region and the

corona), with each layer exhibiting distinct properties and observational charac-

2



1.1. SOLAR ATMOSPHERE

Figure 1.1: Plasma� as a function of height over an active region (introduced

later in this Section). The two side boundaries of the gray shaded region come

from the magnetic strengths of 2500 Gauss and 150 Gauss. This model is com-

pared with various data, shown in grey symbols and text. Image credit: Gary

(2001), reproduced with permission from Springer Nature.
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CHAPTER 1. INTRODUCTION

Figure 1.2: Structure of the solar atmosphere. From bottom to top are photo-

sphere, chromosphere, transition region and corona, each characterized by di�er-

ent heights and temperatures. The observational phenomena in di�erent layers

are connected by the magnetic �eld (see green lines). Image credit: SOLAR-C

webpage; NAOJ/JAXA, NASA1.

teristics, bridged by the magnetic �eld. However, this is just a schematic repre-

sentation showing observations at di�erent wavelengths/temperatures. The idea

of "multi-layer" is a 1-dimensional perspective (i.e., along a �eld line), while the

actual solar atmosphere is more dynamic and highly structured by the magnetic

�eld.

The solar magnetic �eld is complex and highly variable, with magnetic con-

centrations occurring at di�erent scales. It varies in strength, scale, and con-

�guration across di�erent regions (see review by Wiegelmann et al. 2014) and

across the solar cycle (see review by Hathaway 2015). Generally speaking, there

1https://solar-c.nao.ac.jp/en/science.html
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1.1. SOLAR ATMOSPHERE

are active regions, coronal holes and the quiet sun in the solar atmosphere. Ac-

tive regions are large concentrated areas of strong magnetic �elds with opposite

polarities connected by large-scale loops. Coronal holes are regions with a preva-

lence of unipolar magnetic �elds. Failing to �nd an opposite polarity nearby

to connect, the magnetic �eld there generally opens outwards, or more strictly,

only closes back to the solar surface over very large distances as there are no

magnetic monopoles. In the quiet sun, the magnetic �eld is much weaker, but

distributes in a structured way to form a network-like pattern with small-scale

concentrations.

The solar magnetic �eld is not only non-uniform but also dynamic. It is con-

tinually generated and restructured and interacts with surrounding plasma, with

material �ows and energy transportation involved. All these will be introduced

again in more details in Section 1.1.3. The solar atmosphere, especially the low-

� regime, e.g., the corona, is thus highly inhomogeneous, being structured by

the solar magnetic �eld. As a consequence, each "layer" cannot be well de�ned

based on height or heliocentric distance, but instead, depends more on their tem-

peratures and the emissions they produce. In the coming section, we will talk

about each region in detail, going from the photosphere to the chromosphere,

the corona and the so-called transition region, the very narrow interface between

the chromosphere and the corona.

1.1.2 From photosphere to corona

1.1.2.1 High- � : Photosphere

The photosphere is de�ned as the region where the optical depth� 500 nm = 2 =3

in visible light (500 nm) is reached (e.g., Zirin 1992). As the name implies, it

is the surface that can be observed by eye, due to its temperature and density.

The e�ective temperature of the photosphere is about 5800 K, which, according

to the black body radiation, allows it to e�ciently emit in the visible spectrum

(Planck 1991). The photosphere has a typical density of 3.4� 10� 7 g cm� 3 ,

resulting in a mean free path (l = 1 =k� , where k is the opacity and� is the

density) of photons, longer than the size of the structure they traveling through,

that they can escape. Below the photosphere, the photons can easily be scattered
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or absorbed in a short distance. Above the photosphere, visible light emission is

extremely faint compared to the photosphere, as more than 99.9% of the visible

light comes from the photosphere. Therefore, the chromosphere can only be

observed by eye when the emission from the photosphere is blocked, e.g., during

a total eclipse or when looking through very narrow �lters centered on the core

of strong spectral lines (very high opacity) such as the H� line of hydrogen

at 656.5 nm. The corona, with its even lower density, is only observable under

similar conditions during total eclipses or when using a coronagraph.

The photosphere is commonly observed in visible light and presents many

features, such as the sunspots, the faculae and the granulation. Sunspots are

cooler (with a temperature of 3000�4500 K), hence darker regions. A review

of their structures and physics can be found in Solanki (2003). Their lifetimes

are believed to be proportional to their maximum size (Gnevyshev 1938; Wald-

meier 1955). A typical lifetime of a sunspot (e.g., about 10 Mm in diameter)

is of several days, but large ones (reaching diameters of 60 Mm or more) can

exist for weeks and their numbers and locations change over a solar cycle (Hale

1908). They exhibit a central darker region called umbra surrounded by the

lighter penumbra. All these characteristics are related to strong magnetic con-

centrations. In the umbra, the magnetic �eld is so strong that it suppresses the

underneath convective �ows, reducing the amount of energy transported from

the interior. Unlike the vertical �eld of the umbra, penumbral magnetic �eld

tends to turn over (Title et al. 1992; Lites et al. 1993) and allow convective

�ows to partially convey energy out to the surface. Sunspots usually appear in

groups and reside in the regions with more dynamic magnetic activities called

active regions (Zwaan et al. 1985; Zwaan 1987; Harvey and Zwaan 1993), ap-

pearing as bright regions on the sun disk in X-ray and extreme ultraviolet (EUV;

10 nm to 120 nm) passbands. Unlike sunspots, faculae, much easier observed at

the limb of the solar disk (e.g., Au�ret and Muller 1991; Sánchez Cuberes et al.

2002), are hotter than their surroundings and thus are brighter. They are also

a manifestation of relatively strong magnetic �ux tubes (but smaller and weaker

than those forming sunspots) that by locally reducing the gas density, make it

possible to see through into the deeper, hence hotter, layers (Keller et al. 2004).

Granules are the cellular features (see panel (a) in Figure 1.3, also see obser-
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Figure 1.3: (a) Image of the quiet sun at photosphere, taken by the In-

ouye Solar Telescope at the wavelength of 450.4 nm (covering an area of

30720 km� 30720 km). It shows the bright granules and the dark intergranu-

lar lanes. Image credit: NSF/AURA/NSO2, licensed under a CC BY 4.0; (b)

Image of the south-east quadrant of the Sun at the upper chromosphere, taken

by Solar UV Measurement of Emitted Radiation (SUMER) at the wavelength of

58.4 nm (He i). The chromospheric network can be seen in this image. Image

credit: SUMER Main Page3, prepared by I. E. Dammasch and K. Wilhelm.

vations in, e.g., Title et al. 1989; Wilken et al. 1997) representing the convective

motion at the top of the convection zone (see review by Nordlund et al. 2009).

Driven by buoyancy forces, hot material emerges from interior to the surface

to form the bright cells. Once the hot plasma reaches the surface, it spreads

outwards (horizontal �ow) under the pressure gradient until encountering the hor-

izontal �ow from another cell. There, the plasma gets cooler and denser due to

strong radiative loss and then sinks back, forming dark lanes (Stein and Nordlund

1998). Granules are small (with a typical linear size of about 1000 km (Roudier

and Muller 1986)) and can live for only 8�20 min (Bahng and Schwarzschild

1961). They spread over the whole sun surface except for the sunspot regions

and are highly dynamic as the old granule cells are continuously pushed aside by

the emerging materials.

2https://nso.edu/gallery/gallery-images-from-the-inouye
3http://soi.stanford.edu/results/SolPhys200/Wilhelm/index.html
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Besides, the velocity maps of the photosphere reveal structures known as su-

pergranules, which have a spatial size of about 30�40 Mm and a longer lifetime

of a day or two (see review by Rieutord and Rincon 2010). They are related

to larger-scale and deeper convection, compared with granules. The horizon-

tal �ow inside of the supergranular cells thus can push magnetic �elds towards

the cell boundaries, forming the magnetic network that can be observed in the

chromosphere (see panel (b) in Figure 1.3). More details are discussed in Sec-

tion 1.1.2.2.

Another observational phenomenon in the photosphere is the 5 min oscilla-

tions (�rst observed by Leighton et al. 1962 and by Evans and Michard 1962),

which appear as a periodic motion and are a manifestation of pressure (p-mode)

waves (Ulrich 1970; Leibacher and Stein 1971). They are formed by the convec-

tion at or close to the solar surface, i.e., when materials rise up and sink down,

pressure disturbance is created and propagates in the form of acoustic waves.

This oscillation, in general, are evanescent in the photosphere and chromosphere

with only waves with periods of less than 3 min (acoustic cuto� frequency, Balm-

forth and Gough 1990) can propagate into the higher atmosphere.

1.1.2.2 Intermediate- � : Chromosphere

The chromosphere is located just above the photosphere and is approximately

2000 km thick. The lower boundary of the chromosphere is usually de�ned as the

height where the temperature reaches its minimum (� 4000 K). Above that, the

temperature rises to 10000�20000 K, while the density drops roughly by a factor

of 107 in the chromosphere. Although the chromosphere is usually not visible in

white light due to its emission being too faint compared to photosphere, it can

be seen with the naked eye during total eclipses and appears to be red because

of strong emissions in the Balmer� line of hydrogen (H� line at 656.5 nm).

Accompanying the strong magnetic �eld concentrations, sunspots are ob-

servable in the wavelengths that sample the lower chromosphere, e.g., H� and

Ca ii K and H lines. Besides, in these channels, one can see bright plages, the

chromospheric bright patches, around the sunspots (strong magnetic concentra-

tions) and can remain from days to weeks (Babcock and Babcock 1955). Away

from the active chromosphere, a bright web-like pattern (see panel (b) in Fig-
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ure 1.3) outlining the supergranular cells can be observed, called chromospheric

network (e.g., Leighton et al. 1962; Simon and Leighton 1964). It is bright

in H� and EUV lines because the strong magnetic concentrations can channel

more energy into the chromosphere. Governed by the photospheric convection

motion, the chromospheric network changes over a timescale from a few tens of

hours to days (e.g., Simon and Leighton 1964; Janssens 1970; Livingston and

Orrall 1974). The chromosphere also show oscillatory motions, which exhibit a

prominent period of 3 min (e.g., Lites and Thomas 1985; Abdelatif et al. 1986;

Deubner and Fleck 1990). They are strongly observed in sunspot umbrae, but

also in other regions of the chromosphere.

As can be already noticed at the edge of the solar disk at eclipses, the

chromosphere is dynamic with prominences and spicules. Prominences are dense

and cooler materials suspended above the surface by magnetic �elds (see review

by Parenti 2014). They usually exhibit a loop-or-ribbon-like pattern above the

limb while they are called �laments when seen against the disk. Filaments look

like dark scars against the bright background. They are usually held by twisted

or sheared magnetic structures providing enough upward pressure to balance

gravity (Antiochos et al. 1994; DeVore and Antiochos 2000; Amari et al. 2000).

Spicules are jet-like structures that can potentially shoot up mass or energy into

the higher atmosphere. Their on-disk counterparts are called �brils or mottles

(Rouppe van der Voort et al. 2007; Heggland et al. 2007). Typically, spicules

can be categorized into two types: type I spicules move more slowly and show a

back-and-forth motion (i.e., the material rising in them is seen to fall down again)

while type II spicules have a higher speed and disappear rapidly (De Pontieu et al.

2007b). See Section 1.4.2 for more details.

1.1.2.3 Low- � : Corona

The corona is the outermost part of the Sun's atmosphere, characterized by

its extremely high temperature, ranging from 1 to 3�4 MK (and up to over

10 MK during �ares), and low density (of highly ionized plasma) compared to

the lower layers. It is visible during total eclipses (or with an arti�cial eclipse in

the coronagraph), when di�erent features can be seen out of the occulted solar

disk, e.g., closed coronal loops, cusp-like helmet streamers and ray-like polar
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plumes (Newkirk 1967). Note that, although the average corona is described as

a low-� environment, its dynamic nature can create localized high-� conditions.

Also, the plasma� in di�erent regions, e.g., in active regions or quiet sun, could

also be very di�erent (e.g., Schrijver and van Ballegooijen 2005).

At the corona's temperature, the dominating hydrogen and helium are almost

fully ionized, and the heavier elements, such as carbon, nitrogen, oxygen and

up to iron, are in their highly ionized states. Thus, the emission lines in the

corona mostly come from highly ionized, heavier ions. The discovery of these

lines helped to determine the concept of a hot corona, containing plasma at a

wide range of high temperatures (e.g., Grotrian 1939; Edlén 1945). This multi-

temperature corona is very well observed in images obtained in X-ray and EUV

band passes where it is clear that the corona varies spatially. Typically, it has

bright active regions, dark coronal holes and the rather calm quiet sun. All of

them, as mentioned, are rooted in the deeper atmosphere and closely related to

the magnetic �eld.

Active regions, associated with strong concentrations of magnetic �elds, have

higher temperature than the surroundings and are thus brighter in X-ray and EUV

and far ultraviolet (FUV; 120 nm to 200 nm) channels. These regions are usually

characterized by large-scale closed loops �lled with high temperature plasma

(Bray et al. 1991) and violent energy release, such as solar �ares (see reviews

by Benz 2008, 2017) and coronal mass ejections (CMEs, see reviews by Chen

2011; Webb and Howard 2012). Di�erently, coronal holes are regions where the

magnetic �eld generally opens outwards. They typically appear near the polar

regions around the minimum of the solar cycle, but can also be found in low-

altitude regions throughout the cycle, even across the equator (Sanchez-Ibarra

and Barraza-Paredes 1992). Due to the open magnetic �elds, plasma can easily

escape, leaving the "dark holes" with lower temperature and density. In fact,

coronal holes are considered as a source region of solar wind, crucial to the

space weather (e.g., Krieger et al. 1973; Zirker 1977, also see review Cranmer

et al. 2007). The quiet sun is generally governed by weak and small magnetic

elements. Despite its name, the quiet sun is very dynamic. As the magnetic �eld

is constantly in�uenced by the evolution and interaction of supergranules, it can

produce numerous small-scale events.
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Speaking of multi-scale energetic processes in the corona, the most astonish-

ing activities are large �ares and CMEs. They are considered as the manifesta-

tions of the same process releasing magnetic energy (Webb and Howard 2012).

With the improvement of instrumental technique, more mini-eruptions and local-

ized intensity enhancement can be detected in the vicinity of active regions, quiet

sun and coronal holes, such as coronal jets (e.g., Shibata et al. 1992), coronal

bright points (CBPs, see review by Madjarska 2019) and micro�ares/nano�ares

(see Section 1.4). These events, although each one only releases a small amount

of energy compared with large-scale activities, could be an indispensable energy

source to the million-Kelvin corona if happening frequently enough (e.g., Parker's

braiding model, Parker 1972, 1983, 1988).

1.1.2.4 Transition region

Once the million degrees temperature of the corona was discovered in the mid

20th century, it became evident that there should also be regions at tempera-

tures between the chromospheric temperature of about 20000 K and the coronal

temperature. Later, the �rst 1-dimensional MHD models of solar loops did show

that such a rise would occur on very short spatial scales (e.g., Gabriel and Ma-

son 1982). Thus, the term "transition region" was introduced to describe the

narrow temperature region between the chromosphere and the corona at tem-

peratures around 105 K. In reality, when considering a 3-dimensional view of the

solar atmosphere, the transition region should be de�ned based on temperatures,

rather than height and not necessarily always connecting chromospheric to coro-

nal plasma. For instance, cold loops with their apex still at transition region

temperatures also exist (Dowdy et al. 1986).

The transition region is characterized by strong emission lines in the FUV

and EUV ranges. The lower transition region (2� 104 K to 1� 105 K) can be

observed in the Ly� line of Hydrogen (121.6 nm) and lines from lowly ionized

ions such as Cii (133.4 nm and 133.6 nm) and Siiii (120.7 nm). At the higher

temperatures of the mid transition region (1� 105 K to 3� 105 K), the emission is

dominated by lines such as from Civ (154.8 nm and 155.1 nm), Nv (123.9 nm

and 124.3 nm) and Ovi (103.2 nm and 103.8 nm). Finally, in the upper transition

region (3� 105 K to about 7�8 � 105 K), lines such Neviii (77 nm and 78 nm)
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can be found. A summary of prominent spectral lines observable in the transition

region in the EUV (10�120 nm) and FUV (120�200 nm) range together with their

formation temperatures can be found in Table 1.1 in Mariska (1992). Covering

a wide range of temperature, the transition region is signi�cantly important for

investigating the coronal heating problem (see Section 1.3).

A variety of features are revealed in the dynamic transition region. In the

lower transition region, the chromospheric network is still visible, but gets more

and more di�use with increasing height/temperature, possibly demonstrating the

rapid expansion of the magnetic �ux tubes (Patsourakos et al. 1999). The tran-

sition region counterparts of chromospheric spicules are also con�rmed as plasma

�owing at comparable velocities present in both images and Doppler maps (Tian

et al. 2014; Narang et al. 2016; De Pontieu et al. 2017). Besides, small-scale

transients are detected at transition region temperatures. For instance, explosive

events are high velocity (up to about 150 km s� 1) jets, often bi-directional, seen

in transition region lines (Innes et al. 1997). Dere et al. (1991) suggested that

explosive events are closely associated with magnetic �ux cancellation and recon-

nection (also see Innes et al. 1997). Transition region blinkers are longer-lived

brightenings that occur both in the supergranule network and above the plage

and sunspot regions (Parnell et al. 2002). Instead of a local heating, blinkers

are possibly a result of increasing �lling factor of emitting plasma (Priest et al.

2002a; Bewsher et al. 2002).

1.1.3 Magnetic �eld

The Sun has a global magnetic �eld, with numerous dynamic and complex inho-

mogeneities. The solar magnetic �eld is generated by a physical process called

the solar dynamo, which is driven by the plasma motion and electric currents in

the solar interior, particularly in or just under the convection zone (see review

by Charbonneau 2014). The solar dynamo model explains well some cyclical

observational phenomena like the 11-year sunspots cycle and the equator-ward

sunspots drifting (the butter�y diagram, see early discoveries in, e.g., Carrington

1858; Maunder 1904, also see review by Hathaway 2015). Under the e�ect of so-

lar rotation and convection �ows, the twisted magnetic �eld eventually emerges
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Figure 1.4: Schematic illustrating the quiet sun magnetic �eld structure over a

vertical cross section. The arrows in the convection zone and photosphere show

convective �ows. The magnetic �eld grows out from the network concentrations

and expands in higher atmosphere (solid lines) as a result of the drop in pressure

with height. Therefore, the magnetic canopy is formed (dashed lines). Image

credit: Wiegelmann et al. (2014), reproduced with under the terms of the CC

BY license.

at the solar surface (e.g., Parker 1955; Babcock 1961; Schou et al. 1998). And

this intricate magnetic �eld, is behind all the structures and dynamics in the

solar atmosphere.

Figure 1.4 provides a 2-dimensional schematic of the quiet sun magnetic �eld

through the lower atmosphere, demonstrating the two most common magnetic

�eld structures, the open �ux (left) and the closed loops (right). Below the pho-

tosphere, large-scale convective �ows push the small magnetic bipoles towards

the boundaries of supergranules, contributing to the concentrated magnetic �ux

with a strength of kilogauss. The magnetic �eld expands with height as a result

of the decrease of gas pressure. Depending on the polarity of the nearby mag-

netic concentrations, it either bends over and connects back to the surface or

reaches another expanding �ux tube, both forming a "magnetic canopy", where

horizontal �eld is much stronger than vertical �eld (Solanki and Steiner 1990;

Schrijver and Title 2003). Below the canopy is an almost �eld-free sub-canopy

region (e.g., Trujillo Bueno et al. 2004; Orozco Suárez et al. 2007) dominated by
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shocks (e.g., Wedemeyer-Böhm and Wöger 2008). On the other hand, it is the

canopy domain that represents the middle and upper chromosphere. There are

many features and events involving energy transfer in this region, including shock

waves, MHD waves and magnetic reconnections (e.g., Hansteen et al. 2006; De

Pontieu et al. 2007a). Once reaching the corona, the magnetic �eld shapes

the atmosphere and builds up and releases energy. Note that, the sub-canopy

and canopy domains, in reality, are not strictly separated, e.g., there could be a

smooth transition by small-scale loops. Also, the 3-dimensional magnetic �eld is

certainly more complex.

As described, the magnetic �eld in the quiet sun is a mixture of both open

and closed �eld lines rooted in the network concentrations. In the photosphere,

the magnetic �eld strength can locally reach 1000�2000 Gauss inside of the

network lanes while usually only a few hundreds Gauss in the center of the

network cells (e.g., Beckers and Schröter 1968; Tarbell and Title 1977). Using

Sunrise (Barthol et al. 2011) data, Lagg et al. (2010) reported that there are

also kilogauss magnetic elements within the network cells. Di�erent from the

quiet sun, the active regions are dominated by very strong opposite polarities,

connected with longer and higher loops. In the center of a sunspot, the magnetic

�eld can be more than 2000 Gauss, even reach 4000 Gauss (Livingston 2002).

The coronal holes are characterized by prevalently open unipolar magnetic �ux.

The average magnetic �eld strength in these regions varies from several Gauss

to a few tens of Gauss (Harvey et al. 1982).

Magnetic �elds are not static. Regardless of altitude or location, they ex-

change and transfer energy through interactions with one another and with the

surrounding plasma. As the solar magnetic �eld is constantly twisted by the

horizontal �ows in the photosphere, the magnetic stress thus builds up in the

chromosphere and the corona and the stored energy has to be released by restruc-

turing the magnetic topology. This restructuring process, converting magnetic

energy into other forms of energy, such as thermal energy and kinetic energy, is

called magnetic reconnection. The magnetic reconnection processes are found

to be signi�cant not only in the solar atmosphere, but also in other astrophys-

ical objects, like planetary magnetospheres, other stars, accretion disks and in

laboratories.
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Although magnetic reconnection is often described as a process of "breaking"

and "reconnecting" of magnetic �eld lines, this statement can be misleading

given that the divergence of the magnetic �eld is zero, so the magnetic �eld

should always be closed. Several models have been proposed to explain the

details of the reconnecting region, e.g., Sweet-Parker reconnection (Parker 1957;

Sweet 1958) and Petschek reconnection (Petschek 1964). Here, a 2-dimensional

model is introduced as a simpli�ed example. Magnetic �eld lines with opposite

direction components get closer to each other under external forces. As a result

of the discontinuity in the magnetic �eld direction, a current sheet is generated

around the neutral line. In this region with strong current, the local magnetic

�eld is basically zero and the frozen-in condition of the charged particles breaks

down due to resistivity or other non-ideal e�ects, allowing particles to move

across magnetic �eld lines (this region is known as the di�usion region). The

magnetic �eld tends to form a new topology with lower energy. The newly formed

magnetic �eld lines, being highly curved, have a strong outward magnetic tension

and can accelerate out�ows under the slingshot e�ect. That is, the magnetic

energy is converted into kinetic energy. Magnetic reconnection processes can

occur in a quasi-steady way with a small inclination angle between �eld lines,

which are usually considered to be important for coronal heating (e.g., Parker's

braiding model, Parker 1972, 1983). It can also occur as sudden, intense events,

manifesting as solar �ares and CMEs (e.g., CSHKP models, Carmichael 1964;

Sturrock 1966; Hirayama 1974; Kopp and Pneuman 1976).

In the photosphere, the measurement of magnetic �eld can be achieved by

using the Zeeman e�ect (Hale 1908). It is the e�ect for which certain spectral

lines are split into several components (splitting of the energy levels) when the

emitting atom is exposed to a magnetic �eld. This is due to the interaction

between the magnetic �eld and the magnetic moment of the atom, which causes

the splitting of energy levels corresponding to di�erent magnetic quantum num-

bers (JZ ) and a�ects the energy of the electrons in one of these sub-levels. The

degree of splitting is proportional to the strength of the magnetic �eld. Photons

emitted from transitions with � JZ =1 and � JZ =-1 exhibit opposite polariza-

tions. Without an external magnetic �eld, these transitions are degenerate and

have the same energy, leading to the emission of unpolarized light. However,
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when a magnetic �eld is present, the energy levels are split, causing these tran-

sitions to occur at di�erent energies, resulting in polarized spectral lines. A

spectropolarimeter can detect the polarized light from the photosphere and the

strength and direction of the magnetic �eld can be retrieved. However, it is much

more challenging to measure the magnetic �eld in chromosphere and corona due

to the weak magnetic �eld strength and the wider thermal broadening due to

the high temperature. One substitute method is extrapolation (see Section 2.2.2

for more details), which makes use of observed magnetic �eld at photosphere as

the bottom boundary condition to calculate the 3-dimensional magnetic �eld by

solving the magnetohydrodynamic (MHD) equations (e.g., Sakurai 1989; Amari

et al. 1997; Wiegelmann and Sakurai 2021). The structure and evolution of the

magnetic �eld are essential to understand the physical processes of the observa-

tion phenomena.

1.2 The solar wind

The solar corona expands outward into space in the form of the solar wind,

which is a continuous �ow of charged particles, primarily electrons and protons.

Solar wind travels outward through the solar system, carrying with it the Sun's

magnetic �eld, and plays a crucial role in shaping the space environment around

Earth and other planets. It eventually stops where the outward pressure of the

solar wind balances with the inward pressure of the interstellar medium, forming

the outer boundary of the heliosphere.

The idea of the solar wind originated from early observations of comet tails.

Biermann and Schlüter (1951) proposed that their directions are due to particles

streaming out from the Sun. Theoretically, Parker (1958) revolutionized solar

physics by proposing explanation for why the Sun must have a wind, a continuous

out�ow of charged particles from the Sun's hot corona. Parker's main idea was

that the corona is so hot and energetic that its particles are not bound by the

Sun's gravity, causing them to escape and form a supersonic, outward-�owing

wind. He also predicted that the Sun's rotation would cause this wind to carry

the solar magnetic �eld in a spiral pattern. His prediction was, however, initially

controversial but later proved by direct observations from early missions, e.g.,
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Figure 1.5: Solar wind speed measurements from the Ulysses spacecraft over

three orbits around the Sun. Colors indicate the directions of the interplanetary

magnetic �eld (IMF), i.e., red for outward IMF and blue for inward IMF. The �rst

and third Ulysses orbits (panels (a) and (c)) took place at Solar Cycle 22 solar

minimum and Solar Cycle 23 solar minimum, respectively and the second orbit

(panel (b)) occurred at Solar Cycle 23 solar maximum. Image credit: McComas

et al. (2013) © AAS. Reproduced with permission.

Mariner II launched in 1962 (Neugebauer and Snyder 1967).

The Ulysses mission (1990-2009) provided groundbreaking observations of

the solar wind, particularly from high solar latitudes, o�ering an unprecedented

view of the Sun's polar regions. Unlike previous missions, Ulysses followed an

orbit that allowed it to study the solar wind from both the equatorial and polar

areas. Figure 1.5 shows the solar wind speeds measured by Ulysses at both solar

minimum and maximum. It con�rmed the existence of two distinct solar wind

components: a fast, steady wind originating from the polar coronal holes and a

slower, more variable wind from the equatorial regions. The solar wind is also

continuously monitored at L1, a stable vantage point near Earth by spacecrafts

like Wind (1994; Ogilvie and Desch 1997), Solar and Heliospheric Observatory

(SOHO, 1995; Domingo et al. 1995) and Advanced Composition Explorer (ACE,

1997; Stone et al. 1998).

Here are some commonly accepted facts about the solar wind: 1) The solar

wind is a continuous stream of charged particles, primarily electrons, protons,

and alpha particles, that �ow outward from the Sun's corona; 2) The solar wind

travels at supersonic speeds, with two main types: the fast solar wind (around
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700�750 km s� 1) and the slow solar wind (300�400 km s� 1); 3) The solar wind

carries the Sun's magnetic �eld into space, forming the heliospheric magnetic

�eld in a spiral shape (the Parker spiral) due to the Sun's rotation; and 4) The

properties of the solar wind vary with the 11-year solar cycle, becoming more

turbulent and denser during periods of high solar activity. At solar minimum, fast

solar wind originates from polar coronal holes, while slow solar wind comes from

low-latitude regions (see Figure 1.5 panels (a) and (c)). At solar maximum, the

solar wind gets more irregular and variable, with both fast and slow solar winds

being emitted at all latitudes (see Figure 1.5 panel (b)).

Meanwhile, not all mysteries about the solar wind are clearly solved. Two

of the main open questions regarding the solar wind are those about its source

regions and its acceleration mechanism. Fast solar wind is believed to originate

from the coronal holes (e.g., Krieger et al. 1973; Zirker 1977), where the magnetic

�eld is generally open, allowing plasma to escape easily. Hassler et al. (1999)

reported the out�ows within coronal holes to be associated with chromospheric

network junctions. Tu et al. (2005) suggested that the solar wind originates

from the height of 5�20 Mm above the photosphere in magnetic funnels. On

the other hand, the origin of slow wind is more complicated. For example, Nolte

et al. (1976) found that the slower wind may come out from smaller coronal

holes. Neugebauer et al. (1998) also reported the slow wind linking to the small

low-latitude coronal holes. Besides, the slow wind is suggested to originate from

coronal hole boundaries (Wang et al. 1998b; Neugebauer et al. 1998; Wang and

Sheeley 2006; Wang 2017), closed coronal loops (Wang et al. 1998a) or to be

associated with active regions (Kojima et al. 1992; Hick and Jackson 1995; Hick

et al. 1995).

Parker (1965) suggested that, purely driven by thermal pressure from the

million-kelvin corona, the solar wind can only reach up to the low-to-intermediate

speed as in observations. This suggests that the high-speed wind would de�nitely

require an extra energy input to be accelerated. Some models suggested this

acceleration is related to the propagating waves triggered by the photospheric

convection motions (e.g., Cranmer et al. 2007). This idea is supported by the

observations of spicules, jet-like structures dominating solar chromosphere, which

may transport energy into the solar wind (De Pontieu et al. 2009, 2011; Martínez-
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Sykora et al. 2018). Meanwhile, small-scale jets are frequently observed in the

polar coronal holes in both X-ray and EUV/FUV channels (Cirtain et al. 2007;

Paraschiv et al. 2015), indicating the role of magnetic reconnection in supplying

energy �ux (e.g., Axford and McKenzie 1992). In Chitta et al. (2023b), a large

number of jets have been observed in coronal holes, generated through magnetic

reconnection and characterized by kinetic energy within the pico�are energy range

(pico�are jets). These out�ows are believed to contribute hot plasma that helps

sustain the solar wind.

1.3 Coronal heating problem

As described in the previous chapters, the temperature has been found to in-

crease dramatically from about 5700 K in the photosphere to over 1 MK in the

corona. Figure 1.6 shows how temperature and density change along with the

height throughout the solar atmosphere as calculated from a 1-dimensional model

(which would be a reasonable representation of a large coronal loop) and it is

clear that both parameters change dramatically in the transition region. The

mechanism behind that, however, is not fully understood yet. This is the so-

called "corona heating problem", one of the most intriguing mysteries in solar

physics nowadays. This chapter will focus on how the corona's high tempera-

ture was discovered at the �rst place and introduce some of the possible heating

mechanisms.

1.3.1 Discovery of the corona's temperature

Although the solar corona can be observed during total solar eclipses, its temper-

ature remained unknown for a long time. The �rst major clue about the corona's

high temperature came from spectroscopic observations. In 1869, during a solar

eclipse, Charles Augustus Young and William Harkness independently discovered

a bright green emission line in the corona at 530.3 nm. However, the line could

not be identi�ed with any known element at that time. Only after decades,

German physicist Walter Grotrian and Swedish physicist Bengt Edlén made a

breakthrough in determining that this line and another coronal line in the red
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Figure 1.6: Changes in temperature and density across di�erent altitudes in the

solar atmosphere. Image credit: Gabriel and Mason (1982), reproduced with

permission from Elsevier.

at 637.4 nm are coming from multiple times ionized iron, i.e., Fexiv (530 nm)

and Fe x (637.4 nm), which could only exist at very high temperatures (Gro-

trian 1939; Edlén 1943, 1945). These two lines are also dubbed as the coronal

green line and red line, and are the two strongest emission coronal lines at visible

wavelengths.

With the development of space-based instrumentation, the ability to observe

the Sun in the EUV and X-ray wavelengths from above the Earth atmosphere

greatly expanded our understanding of the corona. For instance, early missions

from the 1960s to 1970s like Orbiting Solar Observatory (OSO), and Skylab

in the 1970s provided detailed long-term observations of the corona in high-

energy wavelengths. These observations con�rmed that the corona was �lled

with hot, million-degree plasma. Skylab, in particular, provided some of the

�rst observations showing active regions and coronal loops �lled with hot plasma

(Bray et al. 1991). It became clear that di�erent regions of the corona could

reach temperatures of 1�3 MK, with some �aring regions getting even temporarily

hotter.
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1.3.2 Energy Requirements

The energy source required to maintain the corona at a high temperature has

to balance the energy loss by radiation and thermal conduction, and by the

solar wind in the coronal holes, while all these three energy rates (in units of

erg cm� 3 s� 1) highly depend on the spatial location. The required energy rate

can be theoretically predicted using the Rosner, Tucker& Vaiana (RTV) scaling

laws (Rosner et al. 1978), which assumes hydrostatic loops with uniform heating

and no gravity. Combining these scaling laws with the ideal gas law, the heating

rate is found to strongly depend on the density EH 0 / n7=4
e . A similar scaling

law of EH 0 / n2
e can be reached by simply considering only radiative loss, for

that the radiative loss rate can be written as:

ER � n2
e �( T ) (1.2)

where �( T ) is the radiative loss function, depending on the temperature. In

the temperature range of 0.5�3 MK, �( T ) can be approximated as a constant

10� 22 erg cm� 3 s� 1 . The heating �ux (in units of erg cm� 2 s� 1) at the base can

be derived as an integration of the volumetric heating rate over height.

Revisiting the 26 August 1992 observation from the Yohkoh soft X-ray tele-

scope (SXT; Tsuneta et al. 1991), which was reported by Aschwanden and Ac-

ton (2001), Aschwanden (2001) shows the spatial distribution of the heating

requirement by considering the balance between heating rate and radiative loss,

providing observational constraints for heating models. The heating require-

ment is estimated to be 2� 105 �2 � 106 erg cm� 2 s� 1 for active regions, 1� 104 �

2� 105 erg cm� 2 s� 1 for quiet sun and 5� 103 �1 � 104 erg cm� 2 s� 1 for coronal

holes. Their results are in agreement with the radiative loss reported by With-

broe and Noyes (1977) (see Table 1.1, where they list all the energy loss rates

in the chromosphere and corona and can be used as a benchmark for evaluating

heating models). What can be further seen in Table 1.1 is that in both the

active region and the quiet sun corona, the radiative loss and conductive loss are

comparable. Di�erently, the radiative loss is signi�cantly lower compared to the

conductive loss in coronal hole regions due to the lower density and large solar

wind �ux.
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1.3.3 Heating mechanisms

The time scale of photospheric convection is� c = l=vph , where l is the horizon-

tal scale (e.g., 1 Mm, considering the size of granules) andvph is the velocity

of photospheric convection (of the order of 1�2 km s� 1). The Alfvén time is

� A = (2) L=vA , where L is the loop length (e.g., typically ranging from a few

to several tens of megameters in the quiet sun and extending up to several hun-

dreds of megameters in active regions) andvA is the Alfvén speed, the speed at

which the Alfvén wave propagates. The Alfvén speedvA = B=
p

� 0 � is related

to the magnetic �eld strength B and to the plasma density� . � 0 is the magnetic

permeability. By comparing� c and � A , the coronal heating models are usually

categorized into DC (Direct Current) models and AC (Alternating Current) mod-

els. In DC models, a slow mechanical driver is required, so the coronal loops can

adjust to the changes in the photosphere quasi-statically. This can lead to the

misalignment of magnetic �elds and produce current sheets and reconnection.

In comparison, if the photospheric driver changes too fast for coronal loops to

adjust to, disturbances are triggered to carry information into the corona, which

is usually by means of MHD waves. In both model types, many ways of how the

energy is transported and dissipated are proposed, but not all of them can be veri-

�ed with observations. Here, I mainly talk about two representative mechanisms,

i.e., wave heating mechanism and nano�are or reconnection heating mechanism.

More and more studies suggest that both mechanisms can contribute to heating

up the corona but not to the same extent in di�erent regions, e.g., active regions,

quiet sun and coronal holes.

1.3.3.1 Heating by waves

Biermann (1948) and Schwarzschild (1948) were the �rst to attempt explaining

the high temperature of the corona with acoustic waves, generated by the hy-

pothesized turbulence in the convection zone, before the omnipresent p-mode

oscillation was �rst observed in 1970s. Once the acoustic waves propagate out-

ward, they encounter a density drop and steepen into shock waves. However,

the shock waves are found to mostly dissipate to heat up the chromosphere but

not to reach the corona. With UV spectroscopic data from OSO-8, Athay and
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White (1978, 1979) show that the �ux of sound wave is no more than about

104 erg cm� 2 s� 1 , which is 2�3 orders of magnitude smaller than the energy re-

quired to heat up the corona. De Moortel et al. (2000) showed that although

the acoustic waves can propagate into coronal loops, not enough energy �ux is

carried for coronal heating.

As the solar atmosphere is highly magnetized, acoustic waves are then natu-

rally extended to MHD waves. Photospheric convection generates enough waves

(Narain and Ulmschneider 1996), but the challenge is in how the MHD waves can

propagate to the corona and e�ciently dissipate there. MHD waves have three

modes, slow magnetoacoustic waves, fast magnetoacoustic waves and Alfvén

waves. The slow-mode wave easily grows into a shock wave and damps already

in the chromosphere. The fast-mode wave, however, is less in�uenced by non-

linear e�ects and can reach the corona. On the other hand, Hollweg (1978)

suggests that fast modes tend to re�ect and refract in the lower atmosphere.

Some authors (e.g., Banerjee et al. 1998; Doyle et al. 1999) by studying the line

broadening from observations provided by the Solar Ultraviolet Measurements of

Emitted Radiation (SUMER; Wilhelm et al. 1995) and by the Ultraviolet Coro-

nagraph Spectrometer (UVCS), on board SOHO, reported that the Alfvén wave

has no such problem and can propagate into the corona. Moreover, the energy

�ux carried by Alfvén waves can be estimated to be around 4� 106 erg cm� 2 s� 1 ,

su�cient for heating quiet sun and coronal hole regions and even some active

regions. However, Alfvén waves cannot e�ciently dissipate in a uniform medium,

thus it requires other dissipation mechanisms like phase mixing or resonant ab-

sorption. It is worth mentioning that the problem of e�ective wave propagation is

only relevant when considering waves formed in the lower atmosphere, as waves

can also be generated directly in the corona.

From the observational point of view, di�erent wave motions have been

detected in the corona, such as periodic propagating disturbances, type II spicule

oscillations and transverse waves. For instance, observations from SOHO and

Transition Region and Coronal Explorer (TRACE; Handy et al. 1999) show low-

frequency propagating disturbances in the corona, which are identi�ed as slow-

mode waves (e.g., De Moortel et al. 2000; Verwichte et al. 2010). However, these

waves carry far too little energy to account for coronal heating. Type II spicules
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are jet-like chromospheric structures, which can potentially provide energy and

mass supply into the corona (e.g., De Pontieu et al. 2009, 2011), but their role

in coronal heating is challenged by Klimchuk (2012). He suggested that only

a trivial fraction of hot plasma can be transported into the corona by spicules,

and, at the same time, the hot material cools down rapidly. Transverse waves

have been detected with observations from Coronal Multi-channel Polarimeter

(CoMP, Tomczyk et al. 2008) in coronal loops (Tomczyk et al. 2007; Tomczyk

and McIntosh 2009). These CoMP waves show a very small velocity amplitude

of 0.5 km s� 1 , thus do not carry enough energy. However, the amplitude could

be underestimated because of the low spatial resolution of CoMP. McIntosh

et al. (2011) used high-resolution observations and found a much higher velocity

of about 20 km s� 1 in these transverse waves, which supply enough energy for

quiet corona, but not enough for active regions.

1.3.3.2 Heating by magnetic reconnection

As described in Section 1.1.3, magnetic reconnection is a fundamental process

where magnetic �eld lines with opposite or partially-opposite directions restruc-

ture, releasing a large amount of energy. The main e�ects of magnetic recon-

nection involve 1) heating plasma by Ohmic dissipation; 2) accelerating plasma

to gain bulk kinetic energy and 3) accelerating high-speed particles. In addition

to its role in large-scale energy release like solar �ares and CMEs, magnetic re-

connection also o�ers a compelling explanation for various small-scale �are-like

phenomena in the solar atmosphere. These events can be categorized according

to their thermal energy content. Large �ares (" th = 10 30 � 1033 erg) can be ob-

served in EUV and soft X-ray channels and can produce non-thermal emission

(hard X-ray). Micro�ares ( " th = 10 27 � 1030 erg) are observable in EUV and soft

X-ray, such as X-ray bright points, X-ray jets and active region bright points.

Nano�ares (" th = 10 24 � 1027 erg) are observed in EUV with a temperature of

not more than 2 MK. Besides, as mentioned before, transients are also observed

in the transition region with a lower temperature, such as explosive events and

blinkers.

The importance of the small events lies in that both observations and theo-

retical models suggest that the occurrence of heating events follows a power-law
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Figure 1.7: Sketch of magnetic �eld tubes being twisted by the random-walk

motion of their footpoint at Z=0. Image credit: Parker (1983), © AAS. Repro-

duced with permission.

distribution, as N (E ) / E � � , whereE is the energy of an individual �are,� �

(� is positive) is the power-law index andN (E ) is the event frequency. This

means that, small, low-energy events happen much more frequently than large,

high-energy events and if� is greater than 2, the total energy input in coronal

heating is dominated by the events on the low-energy side. In order to achieve

frequent enough heating events to heat up the corona, di�erent models have been

suggested. Such models must not only ensure that magnetic energy is released

e�ciently through magnetic reconnection, but also incorporate a general-enough

driving mechanism to produce a high frequency of events.

In Parker's braiding heating model (Parker 1972, 1983, 1988), the random

walk of photospheric footpoints can tangle the magnetic �elds to a non-potential

topology to store energy (see Figure 1.7). Naturally, current sheets are formed

to dissipate energy and reconnections happen, transferring magnetic energy into

both thermal and kinetic energy. Parker (1983) made an estimation of the energy

build-up rate by twisting magnetic �ux tubes by random walk and found it to be

dW=dT = 10 7 erg cm� 2 s� 1 . Assuming that the footpoint motion is slow enough

to not break the accumulated stress for about 1 day, the dissipated energy is
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su�ciently high compared with nano�are observations. Thus, the braiding model

is also called nano�are model. The term "nano�are" derives from the fact that

the energy they release is approximately nine orders of magnitude smaller than

that of the largest �ares.

However, the braiding model is not the only one that produce nano�ares. For

example, Priest et al. (2002b) suggested a magnetic carpet model. The Sun's

surface is covered by small magnetic �ux tubes that are constantly emerging,

evolving, and disappearing over short timescales (Schrijver et al. 1997) and ex-

tend into the chromosphere and corona, known as the magnetic carpet. The

magnetic �uxes linking di�erent magnetic concentrations are considered sep-

arated by separatrix surfaces, which de�ne the boundary between regions of

di�erent magnetic connectivity. Thus, even only a simple displacement of foot-

points can produce opposite �eld on the two sides of the separatrix surfaces,

generate current sheets and produce uniform heating.

Another phenomenon that is an example of coronal heating are X-ray bright

points (XBPs). They are usually found in the corona above emerging polarities

or opposite polarities approaching each other and canceling, which is regarded

as a hint of reconnection. The �ux cancellation and consequent XBPs can be

well explained with the converging �ux model (Priest et al. 1994; Parnell and

Priest 1995). In a supergranular cell, magnetic �ux emerges and shifts toward

the boundary, where it interacts with a �ux concentration with the opposite

polarity. A null-point or separator develops when opposite-directed magnetic

�uxes approach each other closely. Therefore, reconnection occurs to form a

bright point, trigger out�owing jets (Shibata et al. 1992; Shimojo et al. 2007)

and cause the null point to submerge back into the photosphere. Actually, recent

studies have suggested that magnetic cancellations happen much more often

than previously expected, and thus could power the solar corona more e�ciently

(Chitta et al. 2017; Priest et al. 2018).

1.4 Small-scale dynamic events

As mentioned above, small-scale dynamic events can provide vital insights into

the processes responsible for heating up the corona and heating/accelerating the
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solar wind. These events, though are individually small, occur frequently and

ubiquitously across the solar atmosphere. Thus, they could be one of the major

drivers of the energy transfer and transport. In this chapter, we introduce di�er-

ent small-scale events from the observational point of view in the categories of

brightenings (localized temperature change or density enhancements) and jet-like

events (out�ows). Note that, this categorization does not mean that brighten-

ings and jets are entirely separated physical processes. Actually, as already found

in the large-scale events, �aring events and eruptions usually accompany each

other.

1.4.1 Brightenings

CBPs are small and compact regions in the corona that emit enhanced radia-

tion. They were initially identi�ed through X-ray observations (XBPs) and later

detected also in EUV wavelengths. XBPs were �rst described as small-scale

point-like features (Vaiana et al. 1973a) and are a case of hot low-lying magnetic

loops outside of active regions (Vaiana et al. 1973b). With the launch of SOHO,

observations of XBPs extended to FUV and EUV channels. Figure 1.8 panel (a)

shows an example observation from the Extreme-ultraviolet Imaging Telescope

(EIT; Delaboudinière et al. 1995) onboard SOHO, where many bright points are

identi�ed in a quiet sun region. Later, the high-resolution observations from

TRACE distinguished the EUV bright points as multi-loop structures. Finally,

imaging data from the Atmospheric Imaging Assembly (AIA; Lemen et al. 2012)

on board the Solar Dynamic Observatory (SDO; Pesnell et al. 2012) and spectral

data from the Interface Region Imaging Spectrograph (IRIS; De Pontieu et al.

2014) revealed the evolution of the small-scale loops at di�erent temperatures

(e.g., Kayshap and Dwivedi 2017).

Golub et al. (1977) reported that the linear size of XBPs as seen from Earth's

orbit, varies from 2000 to 3000, with a bright core of 500 to 1000. Using AIA data

(195Å), Mou et al. (2018) followed the whole evolution of CBPs and found

them �rst emerging as small loops with a minimum length of 500and evolving to

reach a size of up to about 6000. The average lifetime of CBPs also varies over

a relatively large range, from about 8 hours in X-ray wavelengths (Golub et al.
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