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Abstract

The corona is the outer atmosphere of the Sun. It contains an abundance of bright arcs
that consist of hot plasma trapped by the magnetic �eld. These coronal loops are heated to
temperatures far surpassing the solar surface temperature. The heating of this hot coronal
plasma is one of the major open problems in stellar astrophysics. Several mechanisms
have been proposed, which can be divided roughly into models based on the slow braid-
ing of magnetic �eld lines and subsequent impulsive energy release in the corona, the
dissipation of magnetohydrodynamic waves, and �ux emergence and cancellation and re-
connection at the loop footpoints.
We conduct 3D radiative magnetohydrodynamic simulations with the MURaM code to
study the generation and transport of energy and observable signatures of heating. To
combine the computational e� ciency of idealized loop models with the more realistic
driving of coronal heating and mass �ows in simulations that include part of the con-
vection zone, we model the coronal loop as a ”straightened-out” magnetic �ux tube in a
Cartesian box connected to a shallow convection zone layer at each footpoint. This way,
our model is driven self-consistently by magnetoconvection, while the structure across the
loop cross-section is well resolved. Gray radiative transfer in the photosphere and chro-
mosphere, optically thin losses in the corona and �eld-aligned Spitzer heat conduction are
taken into account in the model.
The interaction of granulation with the magnetic �eld leads to a Poynting �ux into the
atmosphere. The model reproduces the bursty heating found in previous coronal simu-
lations. In response to the energy input, the coronal loop develops a complex structure
of small-scale current sheets and �ows. The emission synthesized from the loop model
shows substructure reproducing observed strand widths.
In the next step, we have a closer look at the magnetic coupling between the photosphere
and the corona. Vortex motions are abundant within magnetic concentrations in the pho-
tosphere and have been found to contribute to chromospheric heating. We �nd that some
of these vortex tubes reach coronal heights and carry a strong Poynting �ux beyond the
transition region. Regions with enhanced swirling strength show increased Poynting �ux
and heating rates. The in�uence of vortex �ows on the atmospheric structure is largest
in the chromosphere and low corona, where vortices are overdense and twisted magnetic
�eld lines lead to an upwards directed Lorentz force. With increasing height, vortex �ows
get deformed until the original rotational motion is not discernible anymore. The relation
between vortices and coronal emission is complex. While the rotational motion can lead
to gradients in the magnetic and velocity �eld that show increased viscous and resistive
dissipation and lead to brightening of the plasma, coronal emission depends both on tem-
perature and density, which is not signi�cantly increased in vortices in the coronal part of
the plasma. Therefore, there is no one-to-one correspondence between vortex tubes and
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coronal strands.
Eventually, we calculate synthetic spectral line pro�les of coronal emission lines to study
the response of coronal emission to heating and and plasma motions. We �nd values for
the nonthermal line broadening close to observational values both perpendicular and par-
allel to the loop axis. Despite being on the same order of magnitude, nonthermal line
broadening parallel and perpendicular to the line of sight attributed to di� erent processes.
Perpendicular to the magnetic guide �eld, the velocity �eld is governed by small-scale
twisting and shearing motions. For a line of sight parallel to the magnetic �eld, evapora-
tion in response to heating events causes an increase in nonthermal broadening. For a line
of sight perpendicular to the magnetic guide �eld, we reproduce the independence of the
nonthermal line broadening of the resolution of the observing instrument.
This model provides a new comprehensive view of processes governing the structure and
evolution of coronal loops. In particular, the complex magnetic structure drives the energy
�ux into the upper atmosphere. Small vortex structures extend from the photosphere into
the corona and the internal turbulent-like motions lead to a �ne-structuring of the loop.
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Zusammenfassung

Die Korona ist die äußere Atmosphäre der Sonne. Sie enthält eine Fülle von hellen Bö-
gen, die aus heißem Plasma bestehen, das durch das Magnetfeld eingeschlossen wird.
Diese koronalen Bögen werden auf Temperaturen aufgeheizt, die weit über der Temper-
atur der Sonnenober�äche liegen. Die Heizung dieses heißen koronalen Plasmas ist eines
der größten o� enen Probleme der stellaren Astrophysik. Es wurden mehrere Mechanis-
men vorgeschlagen, die sich grob unterteilen lassen in Modelle, die auf der langsamen
Ver�echtung von Magnetfeldlinien und anschließender impulsiver Energiefreisetzung in
der Korona, der Dissipation magnetohydrodynamischer Wellen und Aufsteigen, Aus-
löschung und Rekonnexion magnetischen Flusses an den Fußpunkten der koronalen Bö-
gen beruhen.
Wir führen dreidimensionale magneto-hydrodynamische Simulationen mit dem MURaM-
Code durch, um die Erzeugung und den Transport von Energie und die beobachtbaren
Signaturen der Heizung zu untersuchen. Um die E� zienz von numerischen Modellen
idealisierter koronaler Bögen mit dem realistischeren Antrieb der koronalen Heizung und
der Massenströme in Simulationen zu kombinieren, die einen Teil der Konvektionszone
einschließen, modellieren wir den koronalen Bogen als eine "begradigte" magnetische
Flussröhre in einer kartesischen Box, die mit einer �achen Konvektionszonenschicht an
jedem Fußpunkt verbunden ist. Auf diese Weise wird unser Modell selbstkonsistent von
der Magnetokonvektion angetrieben, während die Struktur im Querschnitt des Bogens
gut aufgelöst ist. "Grauer" Strahlungstransport in der Photosphäre und Chromosphäre,
optisch dünne Emission in der Korona und die Spitzer-Wärmeleitung entlang des Mag-
netfeldes werden in dem Modell berücksichtigt. Die Wechselwirkung der Granulation mit
dem Magnetfeld führt zu einem Poynting-Fluss in die Atmosphäre. Das Modell repro-
duziert die Heizung in kurzen Bursts, die in früheren koronalen Simulationen gefunden
wurde. Als Reaktion auf den Energieeintrag entwickelt der koronale Bogen eine kom-
plexe Struktur aus kleinskaligen elektrischen Strömen und Plasmaströmungen. Die aus
dem Modell des koronalen Bogens synthetisierte Emission zeigt eine Substruktur, welche
die beobachteten Breiten koronaler "Strands" reproduziert.
Im nächsten Schritt untersuchen wir die magnetische Kopplung zwischen der Photosphäre
und der Korona genauer. Wirbelbewegungen sind innerhalb der magnetischen Konzen-
trationen in der Photosphäre reichlich vorhanden und tragen nachweislich zur Heizung
der Chromosphäre bei. Wir stellen fest, dass einige dieser Vortizes koronale Höhen erre-
ichen und einen starken Poynting-Fluss über die Übergangsregion hinaus transportieren.
Regionen mit verstärkter Wirbelstärke zeigen einen erhöhten Poynting-Fluss und höhere
Heizraten. Der Ein�uss von Wirbelströmungen auf die atmosphärische Struktur ist in der
Chromosphäre und der unteren Korona am größten. Dort weisen die Wirbel eine höhere
Dichte als der Hintergrund auf und verdrehte Magnetfeldlinien führen zu einer nach oben
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gerichteten Lorentzkraft. Mit zunehmender Höhe werden die Vortizes deformiert, bis
die ursprüngliche Rotationsbewegung nicht mehr erkennbar ist. Die Beziehung zwischen
Wirbeln und koronaler Emission ist komplex. Während die Rotationsbewegung zu Gra-
dienten im Magnet- und Geschwindigkeitsfeld führen kann, die eine erhöhte viskose und
resistive Dissipation aufweisen und zu einer Aufhellung des Plasmas führen, hängt die
koronale Emission sowohl von der Temperatur als auch von der Dichte ab, die in Vortizes
im koronalen Teil des Plasmas nicht wesentlich erhöht ist. Daher gibt es keine Eins-zu-
Eins-Entsprechung zwischen Vortizes und koronalen "Strands".
Zum Schluss berechnen wir synthetische Spektrallinienpro�le der koronalen Emission-
slinien, um die Reaktion der koronalen Emission auf die Heizung und die Plasmaströ-
mungen zu untersuchen. Wir �nden Werte für die nichtthermische Linienverbreiterung,
die nahe an den Beobachtungswerten liegen, sowohl senkrecht als auch parallel zur Achse
des Plasmabogens. Obwohl sie in der gleichen Größenordnung liegen, sind die nichtther-
mische Linienverbreiterungen parallel und senkrecht zur Sichtlinie auf unterschiedliche
Prozesse zurückzuführen. Senkrecht zum magnetischen Führungsfeld wird das
Geschwindigkeitsfeld durch kleinskalige Verdrehungs- und Scherungsbewegungen do-
miniert. Bei einer Sichtlinie parallel zum Magnetfeld verursacht die durch ein Heiz-
ereignis ausgelöste Evaporation eine Zunahme der nichtthermischen Verbreiterung. Für
eine Sichtlinie senkrecht zum magnetischen Führungsfeld reproduzieren wir die Unab-
hängigkeit der nichtthermischen Linienverbreiterung von der Au�ösung des Beobach-
tungsinstruments.
Dieses Modell bietet eine neue, umfassende Sicht auf die Prozesse, die die Struktur und
Entwicklung koronaler Bögen bestimmen. Insbesondere treibt die komplexe magnetische
Struktur den Energie�uss in die obere Atmosphäre an. Kleine Wirbelstrukturen erstrecken
sich von der Photosphäre in die Korona und die internen turbulenten Bewegungen führen
zu einer Feinstrukturierung des koronalen Bogens.
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1 Introduction

1.1 The solar atmosphere

Despite our daily existence revolving around the Sun, we only ever see a part of it. The
Sun's outer atmosphere remains hidden from view most of the time because the bright
disc outshines the fainter atmosphere. Only during solar eclipses, when the disc is being
obscured by the moon, the structure of the Sun's outer atmosphere is revealed to the naked
eye.
The energy the Sun needs to bear its own weight and to generate its tremendous output of
radiation stems from thermonuclear fusion in its interior. Energy is transmitted from the
furnace at the solar core to the surface by radiation and convection.
The visible surface of the Sun is the photosphere, a thin layer that is only several 100 km
thick. Most of the visible light in the continuum in the optical part of the spectrum from
4000 to 8000 Å and beyond is emitted from this region, while it is opaque in most spectral
lines. The photosphere is structured by granulation. Hot plasma rises from the interior,
loses some of its energy by radiation, and sinks down again in the cooler and darker in-
tergranular lanes. The magnetic �eld is swept into the intergranular lanes by convective
motions. It is concentrated into narrow �ux tubes of kilogauss strength with a diameter
of about 100 km. These continuously emerging and evolving magnetic elements form the
so-called magnetic carpet (Priest 2014).
The layer above the photosphere appears red during solar eclipses and was therefore
named the chromosphere (Greek: chromos color). Responsible for the colorful appear-
ance are emission lines of the Balmer series. The chromosphere is mostly optically thin
in the wavelength range from near-infrared to near-ultraviolet but optically thick in strong
spectral lines. The temperature is on the order of 104 K (Priest 2014).
After reaching a minimum at about 500 km above the photosphere, the temperature starts
to rise again. It increases steeply through the narrow transition region (TR) from about
104 K to several million Kelvin. Since the pressure is continuous across the transition
region, the density falls by several orders of magnitude. The di� erent layers of the at-
mosphere are not spherical shells, but have a complex structure. The transition region is
not a static layer at a constant height, instead it is comprised of a thin, highly corrugated
layer of plasma between the temperatures of 3� 104 K and 3� 105 K that is continu-
ously heating up and cooling down. The steep temperature gradient is concentrated over
a height range of just tens of kilometers, making the transition region di� cult to model in
numerical experiments.
Appearing as a bright halo around the disk of the Sun during eclipses, the corona is an
extended atmosphere of tenuous hot plasma extending into the solar wind. With the ex-
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1 Introduction

ception of a few spectral lines, the corona is optically thin (Priest 2014). The dynamics
of the low corona is dominated by the magnetic �eld. The lower parts of the corona are
structured by closed magnetic �eld lines, while farther out the �eld opens up to the solar
wind. Before the invention of the coronagraph, the corona could only be observed during
solar eclipses. A coronagraph creates an arti�cial eclipse by blotting out light from the
bright photosphere. The corona visible in optical wavelengths consists of the K- and F-
corona, which arise from the scattering of light o� electrons and dust, respectively (Priest
2014). Due to the extreme temperatures in the range from 8000 K to several million
Kelvin, the corona mainly emits in ultraviolet (UV), extreme ultraviolet (EUV) and X-ray
wavelengths (Stix 2004). This part of the spectrum is made up from emission lines from
neutral atoms up to highly ionized particle species. X-ray emission can also provide in-
formation about stellar coronae (Güdel 2004). A downside of observations in these short
wavelengths is that they are absorbed by Earth's atmosphere and the telescopes therefore
need to be located in space. Information about the plasma at di� erent temperatures and
thus height levels can be obtained by using �lters at di� erent wavelengths.

1.1.1 The coronal heating problem

The quest for disentangling the mystery of the corona started with the observation of the
green coronal line at 530.3 nm during a solar eclipse (Peter and Dwivedi 2014). At �rst
this observation was falsely attributed to emission lines of a new element, the hypothetical
"coronium". Instead, it was found in the 1930s that these lines did not originate from a
mysterious new element, but instead from the fairly mundane iron and calcium (Grotrian
1939, Edlén 1943). Under the extreme environment of the solar atmosphere, hydrogen is
fully ionized and atoms of heavier elements such as iron are also stripped of most of their
electrons. Forbidden spectral lines cannot be observed in the laboratory because the gas
density cannot be lowered su� ciently. The identi�cation of the observed spectral lines
as emission lines of highly ionized elements such as Fe IX and Ca XIV enabled Hannes
Alfvén in the 1940s to draw the conclusion that the corona must be extremely hot (Peter
and Dwivedi 2014).
While the photosphere has a temperature of roughly 6000 K, the corona is signi�cantly
hotter with temperatures up to several million Kelvin. This de�es the expectation that
the temperature should decrease with increasing distance to a heat source. The coronal
heating problem consists of the question how energy is transported from the photosphere
to the corona against the temperature gradient and how it is converted into heat. The
heating of the corona is a current unsolved problem in astrophysics. Direct transport of
heat by thermal conduction to the outer layers of the solar atmosphere would violate the
second law of thermodynamics, which states that heat can only �ow from the hotter to
the cooler reservoir. Since the plasma in the corona is optically thin, radiation cannot be
responsible for the heating. Another process is needed to explain the energy transport
and release. The only known agent that can be responsible for the transport of energy
is the magnetic �eld. The interaction of photospheric granulation and the magnetic �eld
leads to an energy �ux into the atmosphere. The main groups of models are based on
either the excitation of magnetohydrodynamic waves by turbulent motions at the surface
and subsequent dissipation of these waves, or reconnection resulting from slowly built up
stresses in the magnetic �eld depending on the timescales of the surface motions driving
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1.2 Magnetohydrodynamics

the magnetic �eld evolution. Only cool stars have coronae, since the surface motions due
to magnetoconvection are needed to drive the magnetic �eld. X-ray emission has also
been observed from O- and B stars, but in this case, acoustic shocks in the stellar wind
are the likely cause of the emission (Güdel 2004).
Due to the low density of the corona, the energy required to heat it to temperatures of
several million Kelvin is just a fraction of the energy required to heat the much denser
chromosphere. Coronal and chromospheric heating have to be treated together (Priest
2014).

.

1.2 Magnetohydrodynamics

1.2.1 Assumptions

In magnetohydrodynamics, the behavior of a collection of particles is described by con-
tinuous variables such as density, temperature and the velocity �eld. For this to be a
su� ciently accurate description of reality, several assumptions have to be made. The �rst
assumption is that the matter under consideration can be described as a plasma. The term
plasma is only applicable if the number of particles inside a sphere with a radius of the
Debye length

� D =

r
kBT

4� nee2
(1.1)

is large (Priest 2014). If that is the case, the plasma is quasi-neutral on length scales
exceeding the Debye length.
MHD is concerned with the macroscopic behavior of a �uid. In order to be described as
a continuum, variations of the thermodynamic variables have to take place over length
scales much larger than internal length scales such as the ion gyroradius. The plasma
has to be strongly collisional so that it can be treated as being in thermal equilibrium.
This means that its state can be described by a single well-de�ned temperature and the
velocity distribution is roughly Maxwellian. This approximation is valid if we regard
only timescales larger than timescales of collisions in the �uid and the ion gyroperiod and
length scales much larger than the mean free paths that the particles in the plasma can
travel between collisions. This assumption could break down in the steep temperature
and density gradients in the narrow transition region (Peter 2015). We assume that all
relevant speeds are much smaller than the speed of light. We also neglect e� ects from the
curvature of spacetime and therefore neglect relativistic e� ects.
The plasma is treated as a single �uid without di� erentiating between charged and neutral
particles, although this assumption might be problematic in the cool and rare�ed parts
of the solar atmosphere. The action of the magnetic force, that is only felt by charged
particles, is communicated to neutral species by collisions. These assumptions constitute
the magnetohydrodynamic approximation.
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1.2.2 Equations

Magnetohydrodynamics combines the Maxwell's equations with the Navier-Stokes equa-
tions describing the motion of a �uid. In this section, we introduce and brie�y discuss the
relevant equations for solar physics. For a detailed discussion, see Priest (2014).

1.2.2.1 Maxwell's equations

The Maxwell equations describing the interplay of time-dependent electric and magnetic
�elds in cgs units are:

r � E = 4�� e; (1.2)

r � B = 0; (1.3)

r � E = �
1
c

@B
@t

; (1.4)

r � B =
4�
c

j +
1
c

@E
@t

: (1.5)

The �rst equation is Gauss' law describing how a static electric �eldE arises from a
distribution of electric charges with� e being the charge density. The second equation is
the magnetic analogue of Gauss' law stating that the magnetic �eldB is divergence-free,
consequentially there are no magnetic monopoles. The third and fourth equations are
Faraday's law of induction and Ampère's law with Maxwell's addition describing time-
dependent electric and magnetic �elds. Faraday's law determines how a time-varying
magnetic �eld induces an electric �eldE, and Ampère's law states that magnetic �elds
can be produced by both electric currents and an electric �eld varying in time, withj being
the current density. The second term on the right hand side is called the displacement
current.
Although the plasma is usually treated as a continuous �uid in MHD, it consists of charged
particles experiencing forces due to the electric and magnetic �elds present in the plasma.
The proportionality between the current density and the electric �eld strength is called
Ohm's law. The proportionality constant is the electric conductivity� . Since Ohm's law
is valid in the co-moving frame of reference, charged particles moving in magnetic �eldB
and electric �eldE experience not only an electric force due to the �eldE as they would
at rest, but also an additional electric �eld1c(v � B) (Priest 2014). The current density in
a frame of reference moving with the plasma is then

1
�

j = E +
1
c

v � B; (1.6)

with � being the electrical conductivity. In ideal MHD, the conductivity is assumed to be
in�nite due to zero resistivity. Ohm's law then reduces to

E = �
1
c

v � B: (1.7)

In the phenomena studied in solar physics with the help of MHD, variations in the electric
and magnetic �elds are usually considered nonrelativistic. Under the assumption of non-
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relativistic speeds, we can neglect the displacement term. With characteristic electromag-
netic or plasma speedsv0 = l0=t0, wherel0 andt0 are typical length and time scales, we
can estimate the relative importance of the displacement term (see Priest (2014)). Using
Ohm's law for ideal MHD, we can approximately expressjEj asjEj = � 1

c jv � Bj � � v0
c B.

The time derivative ofE can be approximated as@E
@t � E

t0
= � v0B

t0
. The displacement current

can then be approximately expressed as

1
c

@E
@t

�
E
ct0

= �
v0B
c2t0

= �
v2

0B

c2l0
: (1.8)

With jr � Bj � B
l0

, the displacement term is of the order of magnitudeE
ct0

�
v2

0
c2 jr � Bj and

can be neglected forv0 � c.
Equation 1.5 can then be simpli�ed to

r � B =
4�
c

j: (1.9)

1.2.2.2 The frozen �ux theorem

In a perfectly conducting �uid, plasma and magnetic �eld cannot move independently in
the direction transverse to the magnetic �eld lines. The magnetic �eld lines are frozen into
the plasma. The parameter plasma� , which is de�ned as the magnetic-to-�uid pressure
ratio � = Pgas

Pmag
, with the magnetic pressure de�ned asPmag = B2=(8� ), determines whether

the magnetic �eld or the plasma motions govern the dynamics of a system. Depending on
the value of plasma beta, the magnetic �eld lines either push the plasma or are dragged
by the plasma. This follows from the induction equation, since plasma moving across
magnetic �eld lines would lead to an in�nite current density. This would require in�nite
energy. The assumption of the magnetic �eld and plasma being frozen together allows for
the tracing of magnetic �eld lines in time by following a parcel of plasma in time and at
every timestep tracing the magnetic �eld line connected to the moving parcel. In reality,
the electric conductivity in the solar corona is not in�nite and magnetic �eld lines can
di� use through the plasma.

1.2.2.3 The magnetic di� usivity

If the corona is assumed to be a fully ionized plasma, the conductivity is then� =
nee2� ei=me. � ei is the e� ective electron collision time for a hydrogen plasma, whilene

andme are electron density and mass. The values derived by Spitzer (1962) for the elec-
trical conductivity and magnetic di� usivity are

� = 1:53�
T3=2

ln �
mho cm� 1 (1.10)

� = 5:2 � 1011 ln � T � 1:5cm2s� 1: (1.11)

The Coulomb logarithm ln� is weakly dependent on temperature and density and
has typical values in the range between 5 and 20. With typical values of the coronal
temperature of 2:5 MK and density of 10� 14:8 g cm� 3 in our simulations, and a Coulomb
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logarithm ln� = 20 the Spitzer value for the magnetic di� usivity is 2631 cm2s� 1 and
the Spitzer viscosity is 6:9 � 1014 cm2s� 1. The value for the Spitzer resistivity lies well
below di� usivities associated with magnetic Reynolds numbers currently achievable in
simulations.

1.2.2.4 The induction equation

Combining Faraday's law with Ohm's law to eliminate electric �elds and current yields

@B
@t

= �r � (� v � B + cj=� ) (1.12)

= r � (v � B) � r � (cj=� ): (1.13)

(1.14)

Using the relation between the magnetic di� usivity and the electrical conductivity
� = c2=(4�� ) and Ampère's lawj = c

4� r � B we get the induction equation

@B
@t

= r � (v � B) � r � (� r � B): (1.15)

For constant values of the magnetic di� usivity, this becomes

@B
@t

= r � (v � B) + � r 2B: (1.16)

The �rst term on the right hand side states that material motions lead to either increase
or decrease of the magnetic �eld by induction, while the second term describes the de-
cay of the magnetic �eld due to �nite magnetic di� usivity. A measure for the relative
importance of induction and magnetic di� usion is the magnetic Reynolds number. The
magnetic Reynolds number is de�ned asRm = uL

� whereu is a typical velocity,L a typical
length scale and� the magnetic resistivity. The evolution of the magnetic �eld depends
on whether the magnetic Reynolds number is large or small. For large Reynolds num-
bers, the magnetic �eld and the plasma are frozen together, a plasma parcel connected to
a certain �eld line remains connected to that �eld line. If the Reynolds number is small,
the induction equation reduces to a di� usion equation and the magnetic �eld can di� use
through the plasma. The corresponding di� usion timescale is� di� = L2=�. Small-scale
structures in the magnetic �eld thus di� use faster than large-scale structures. In the ideal
MHD limit, for Rm � 1, the plasma is perfectly conducting and the induction equation
becomes

@B
@t

= r � (v � B): (1.17)

In ideal MHD, Alfvén's frozen �ux theorem holds and magnetic �ux, �eld lines and
magnetic topology are conserved. If the di� usive timescale is much larger than typical
timescales in the system, the frozen �ux theorem can still be used as an approximation to
track �eld lines.
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1.2 Magnetohydrodynamics

1.2.2.5 Fluid equations

The MHD equations are derived from the Boltzmann moment equations and arise from the
conservation of various quantities such as mass, momentum and energy. The equations
governing a �uid are the continuity equation, the momentum equation and the energy
equation, respectively:

@�
@t

+ r � (� v) = 0; (1.18)

@�v
@t

= �r � (� vv) � r P + F; (1.19)

@Etot

@t
= � L; (1.20)

where� is the mass density,v the plasma velocity,P the plasma pressure ande the
energy density.F is the sum of external forces,Etot is the total energy densityEtot =
1
2� v + � + B2=8� comprised of kinetic, internal energy density� and magnetic energy
density in the presence of a magnetic �eld.L is the combination of sinks and sources
for the energy density which will be discussed in detail in Sect. 1.2.3. The continuity
equation states that mass is conserved since it is neither created nor annihilated. The
density increases if mass �ows into a cell and decreases if it �ows out. With the help of
the Lagrangian derivativeDDt = @

@t + v � r , the continuity equation can be expressed as

D�
Dt

+ � r � v = 0: (1.21)

The Lagrangian or material derivative yields time variation in the reference frame of a
moving gas parcel.

The second equation states the conservation of momentum. The momentum of the
plasma in a given grid cell changes by advection of plasma into or out of the cell or by
external forces. The speci�c forces entering the equation depend on the problem under
consideration. We use the momentum equation in the form

@�v
@t

= �r � (� vv) � r P +
1
c

j � B + Fg + Fvisc: (1.22)

The forces acting on the plasma are the force due to the pressure gradientr P, the
Lorentz force per unit volume1c j � B and the gravitational forceFg = � � g. g is a vector
pointing towards the center of the Sun. At the solar surface, the gravitational acceleration
can be assumed to be constant and has the valueg� = 2:74 � 104 cm s� 2. In case of a
nonzero viscosity, we have an additional viscous forceFvisc = �� [r 2v+ 1

3r (r � v)], with �
being the coe� cient of kinematic viscosity.
Additional forces, such as the centrifugal force and coriolis force, arise in the case of a
rotating reference frame. We focus in this work on a small enough region of the Sun that
the in�uence of rotation can be neglected.
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1.2.2.6 The Lorentz force

The Lorentz force

FL =
1
c

j � B (1.23)

arises from the motion of charged particles across the magnetic �eld. For plasma
motions along the magnetic �eld, the resulting Lorentz force is zero. The Lorentz force
can therefore not accelerate plasma along the magentic �eld lines. Withj = c

4� r � B this
becomes

FL =
1
4�

(r � B) � B: (1.24)

The Lorentz force can be decomposed into a contribution from magnetic tension and
a contribution from the magnetic pressure by making use of vector calculus identities:

FL =
1
4�

"
(B � r )B �

1
2

r (B � B)
#

(1.25)

=
(B � r )B

4�
� r

 
B2

8�

!
: (1.26)

The �rst term is a force arising from a variation inB along the direction ofB. This
is the case if the magnetic �eld is curved. The tension force has a non-zero component
normal toB and increases with decreasing radius of curvature. This tension force plays a
role in the propagation of magnetohydrodynamic waves.
The second term arises in response to a gradient in the magnetic pressureB2=8� . The
magnetic pressure is a scalar quantity and therefore uniform in all directions. The mag-
netic tension force and the magnetic pressure force in the direction ofB cancel, resulting
in a force normal toB. E� ects of the two components of the Lorentz force are to shorten
magnetic �eld lines through the tension part and to compress plasma by magnetic pres-
sure. The magnetic pressure inside a magnetic �ux tube has to be compensated by the
gas pressure in the exterior. Magnetic �ux tubes therefore have a decreased gas pressure
compared to their environment.

1.2.3 The energy equation

The right-hand-side of the energy equation contains all the sinks and sources of energy.
The energy in a point in space can be changed by advection, work done by the Lorentz
force, heat conduction, radiative gains and losses, and resistive and viscous dissipation.
Additionally, other forces in the system can do work on the plasma, such as the gravita-
tional or the viscous force. We assume an energy equation of the form

@EHD

@t
= �r � [v(EHD + P)] + � v � g + v � FL + r � q + Qrad + Qthin

+ Qres+ r � (� � v); (1.27)
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whereEHD = 1
2� v2 + � is the sum of kinetic and internal energy density,P is the

pressure. The �rst term describes the transfer of energy due to the motion of �uid mass,
� v � g the work done by the gravitational force,v � FL the Lorentz force work,r � q the
divergence of the heat �ux,Qrad the optically thick radiative heating or cooling,Qthin the
optically thin radiative losses,Qres the resistive heating by Ohmic dissipation andr � (� � v)
the work done by the viscous force with� being the viscous stress tensor. In the following
we will discuss the individual terms on the right hand side.

1.2.3.1 Heat conduction

The heat �ux due to particles can be expressed as (Priest 2014)

q = � � r T: (1.28)

� is the thermal conduction tensor. The heat �ux term in eq. 1.28 can be decomposed
into a contribution along and across the magnetic �eld:

r � q = r � [� kb̂(b̂ � r )T + � ? b̂ � (b̂ � r )T]; (1.29)

where b̂ is the unit vector in the direction of the magnetic �eld and� k and � ? are
the conduction coe� cients parallel and perpendicular to the magnetic �eld, respectively.
Electrons are responsible for the heat transport. The conduction coe� cient parallel to the
magnetic �eld is:

� k = � 0T5=2 = 1:8 � 10� 10T5=2

ln �
Wm� 1K � 1; (1.30)

In a strong magnetic �eld, the conduction coe� cient for heat conduction parallel to
the magnetic �eld lines is much larger than the coe� cient for heat conduction across �eld
lines.

In a strong magnetic �eld, the movement of the electrons perpendicular to the mag-
netic �eld is restricted, therefore heat conduction occurs mainly parallel to the magnetic
�eld. Heat conduction perpendicular to the magnetic �eld is mainly due to collisions of
protons. If the magnetic �eld is su� ciently strong, the heat �ux across the magnetic �eld
can be neglected and the heat conduction term can be approximated as

r � q = r � (� 0T5=2b̂(b̂ � r )T): (1.31)

The heat conduction is strongly temperature dependent and increasingly e� cient at
high temperatures. Under coronal conditions with temperatures of several million Kelvin,
this can lead to problems with numerical simulations. This issue is further discussed in
Sect. 2.1.6. The assumption behind Spitzer heat conduction is that the electron mean free
path is much shorter than the temperature scale height. This assumption is problematic in
the transition region due to the steep temperature gradient (Peter 2015).

1.2.3.2 Ohmic dissipation

Due to the �nite resistivity in the corona, electric currents are dissipated due to collisions
in the plasma. The Ohmic heating term is de�ned as
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Qres =
�
4�

(r � B)2 = 4�� j2; (1.32)

with � being the magnetic di� usivity.

1.2.3.3 Viscosity

The viscosity (internal friction) of a �uid in�uences the motion of the �uid by transport
of momentum and energy. Momentum is transferred between �uid parcels both with the
mass of the moving �uid and by particle collisions. The viscous stress tensor� quanti�es
the latter part. The momentum is transferred from regions with larger velocity to regions
with smaller velocity (Landau and Lifshitz 1987). The viscous stress tensor is de�ned as

� = �� (r v + r vT �
2
3

(r � v)I ): (1.33)

The kinematic viscosity� is a function of temperature and density and generally not
constant in a �uid. The viscosity associated with compression of the �uid is neglected
for most �uids. The viscous force is given by the divergence of the viscous stress tensor.
This force can lead to heating, but also to a change of kinetic energy density in a plasma
parcel due to friction.

The kinematic viscosity according to Spitzer (1962) for a fully ionized hydrogen
plasma is

� = 2:21� 10� 15 T2:5

ln � �
cm2s� 1: (1.34)

In contrast to values for the resistive di� usivity in numerical simulations, the expected
value for the Spitzer viscosity is even larger than numerical values that have been obtained
in simulations (Rempel 2017). The scales of energy dissipation due to viscous heating
should thus be captured correctly in the simulations. The ratio of viscous to magnetic
di� usivities is measured by the magnetic Prandtl number:Pm = �=� . If the Prandtl
number is su� ciently high, resistive heating can be neglected compared to viscous heating
and energy is dissipated due to thermalization of reconnection out�ows (Rempel 2017).
The numerical viscosity then provides an adequate parametrization of the microphysics
involved in viscous energy dissipation.

1.2.3.4 Radiative losses

In the optically thin regime, the radiative losses are no longer coupled to the radiation
�eld. The optically thin radiative losses are only dependent on local particle densities and
temperature:

Qthin = � nenH� (T); (1.35)

wherene is the electron density andnH the density of hydrogen nuclei. In a fully
ionized plasma both are equal.� (T) is a temperature dependent radiative loss function.
Usually a tabulated version of� (T) is employed.
In the optically thick regime, the full radiative transfer equations have to be solved. The
optical depth at frequency� is
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d� � = � � � � dr: (1.36)

The variation of the intensity with depth is then

�
dI�
d� �

= I � � S� ; (1.37)

where� = cos� is the direction along which integration takes place and the source
function S� is de�ned as the ratio between the emission and the absorption coe� cient.
Multiplying each side with� � 1 exp� � � =� and integrating from� � = 0, which is the loca-
tion of the observer, to� 0� = 1 which is located deep inside the star, we obtain for the
observed intensity at an angle� (Stix 2004):

I � (0; � ) =
1
�

Z 1

0
S� (� � ) exp� � � =� d� � : (1.38)

The radiation �eld is coupled to the MHD equations via the termQrad. Assuming that
the matter is in local thermodynamic equilibrium, the source function can be set to the
Planck functionS� (T) = B� (T) = 2h� 3

c2
1

h�
ekBT � 1

. The radiative energy �ux is computed by

integrating the intensity over all possible ray directions

F � =
Z

4�
I � (� )� d!: (1.39)

The radiative source term can then be computed from the divergence of the radiative
�ux

Qrad = �
Z

�
(r � F � )d�: (1.40)

In the grey radiative transfer approximation, the opacity is calculated as an average
over frequency. The frequency dependence is calculated from the probability of absorp-
tion or scattering for a photon of a certain energy. The Rosseland mean opacity is de�ned
as (Stix 2004)

1
�

=

R1

0
1
� �

dB�
dT d�

R1

0
dB�
dT d�

: (1.41)

This is the harmonic mean. Thus more energy is transported at frequencies where the
matter is more transparent. Since the temperature gradient of the radiation �eld is used
as weight, more energy is transported at frequencies where the radiation �eld has a larger
temperature dependence.

1.2.3.5 The Poynting theorem

The Poynting �ux vectorS is a measure for magnitude and direction of the �ux of elec-
tromagnetic energy and de�ned as

S = E � H =
1
4�

B � (v � B) +
�
4�

j � B: (1.42)
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The second term is ignored in ideal MHD and often neglected under the assumption
of small resistivity� .

We are mainly interested in the vertical component of the Poynting �ux vector, since
this is the component responsible for the injection of energy into the corona. The verti-
cal component of the Poynting �ux vector in ideal MHD can be decomposed as follows
(Shelyag et al. 2012):

Sz =
1
4�

(vz(B2
x + B2

y) � Bz(vxBx + vyBy))

= Sv
z + Sh

z: (1.43)

The �rst term is the part of the Poynting �ux generated by the vertical transport of
horizontal �eld, for example during �ux emergence, the second term is the component
generated by horizontal �ows acting on the vertical �eld.
According to Poynting's theorem, the energy �ux into the atmosphere due to the Poynting
�ux can be written as (Priest 2014)

Z
E � B

4�
� dS=

Z
j2

�
+ v � j � B +

@
@t

 
B2

8�

!
dV: (1.44)

The Poynting �ux can have several e� ects on the upper atmosphere. The �rst term
on the right hand side corresponds to heating of the plasma by Ohmic dissipation, the
second term to work done by the Lorentz force, and the third term to a change in the
magnetic energy. Not all the Poynting �ux is thus necessarily converted immediately into
heat. Dissipation of the injected electromagnetic energy can either occur directly through
Ohmic dissipation or through ohmic or viscous dissipation of out�ows or waves generated
by reconnection. The treatment of dissipation is problematic in simulations because the
regions of dissipation are so thin that he assumption of MHD breaks down and kinetic
treatment becomes necessary.

1.3 Magnetic reconnection

Reconnection is a change in the magnetic connection of plasma elements in an almost-
ideal plasma with a magnetic Reynolds number outside of current sheets much larger
than unity (Priest 2014). If the resistivity is zero, according to Alfvén's frozen-in theorem
magnetic �eld lines and plasma are frozen together and a plasma element connected to
a certain �eld line will remain connected to the same �eld line. Reconnection can take
place when non-ideal e� ects become important in a localized region, allowing a parcel
of plasma to become connected to a di� erent �eld line. Through magnetic reconnection,
magnetic energy can be converted into heat by Ohmic dissipation, or magnetic energy
might be converted into kinetic energy due to acceleration of plasma. Shock waves and
turbulence can arise from reconnection. Changes in the �eld line connectivity redirect
�uxes of particles and heat.
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1.3.1 2D magnetic reconnection

A current sheet that has been formed will di� use away. A steady state can be established
if magnetic �eld and plasma are entering the reconnection region at the same rate as the
di� usion of the magnetic �eld takes place. In the Sweet-Parker model, a current sheet is
formed between two regions with opposite magnetic polarities. The magnetic �eld lines
then form an intersection, a so-called X-type neutral point (Sweet 1958, Priest 2014). At
the neutral point itself, the magnetic �eld vanishes. Plasma is accelerated at the reconnec-
tion site by reconnected magnetic �eld lines shortening due to the tension force caused
by the curvature of the newly reconnected magnetic �eld lines. The reconnection rate or
in�ow plasma speed for the Sweet-Parker mechanism isvi = vAi=

p
Rm with vAi being the

in�ow Alfvén speed. The Sweet-Parker mechanism leads to slow reconnection, since the
reconnection rate is slow for large Reynolds numbers.
A small Sweet-Parker current sheet forming in a region with locally enhanced magnetic
di� usivity can produce shock waves which also convert magnetic energy into kinetic en-
ergy and heat. This con�guration leads to fast reconnection. For reconnection to proceed
at a fast rate, the magnetic di� usivity needs to be nonuniform. This mechanism is re-
ferred to as Petschek mechanism after its discoverer (Petschek 1964). Other types of 2D
reconnection are possible.

1.3.2 3D magnetic reconnection

While reconnection can only occur at a null point in two dimensions, more magnetic
topologies are possible in three dimensions. Reconnection can occur whenever antipar-
allel magnetic �eld components are present in a region where the plasma has a nonzero
resistivity (Schindler et al. 1988). The condition for reconnection to occur is then

Z
Ekds, 0 (1.45)

along a magnetic �eld line.
In three dimensions, reconnection can occur at null points, but also at the boundary

between separate �ux systems, the separatrix surfaces, and in a number of additional
topologies.

1.4 Coronal heating mechanisms

The two main competing models are DC (direct current) models and AC (alternating cur-
rent) models. In DC models, heating arises from motions at the solar surface below the
Alfvén speed. The photospheric motions lead to slowly changing currents in the higher
atmosphere. In contrast to that, AC heating assumes faster changes that lead to waves trav-
elling up into the corona. In AC models, energy is deposited in the atmosphere by dissipa-
tion of MHD waves while in the DC model impulsive reconnection events act as dissipa-
tion mechanism (Priest 2014). In addition to motions at the solar surface, waves may also
result from reconnection sites and can in turn cause impulsive heating events. Heating of
the corona by shocks resulting from nonlinear Alfvén waves can lead to "nano�are-like"
variations in intensity in simulations (Moriyasu et al. 2004). In the real corona, several
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mechanisms could be connected and be at work at the same time (Priest 2014). A current
challenge is to measure their relative importance. Di� erent processes could be dominant
in di� erent regions on the Sun. In stellar coronae, the magnetic structures and thus also
the heating mechanism could di� er from the Sun depending on mass, surface gravity and
rotation period (Güdel 2004).

1.4.1 DC heating

In the DC model, horizontal photospheric motions shu� e the magnetic �eld around and
lead to tangling of the magnetic �eld lines (Parker 1983). The magnetic �eld evolves
away from a potential con�guration, storing energy in the process. The energy is injected
at the coronal base by a Poynting �ux (Klimchuk 2006)

S = �
1
4�

BvBhvh; (1.46)

whereBv and Bh are the vertical and horizontal magnetic �eld components andvh

is the horizontal footpoint velocity. The Poynting �ux has a second component arising
from vertical transport of horizontal magnetic �eld, for example due to �ux emergence.
In the following, we will focus on the energy injection due to horizontal shu� ing of the
magnetic �eld. Typical horizontal velocities of magnetic �ux tubes at the solar surface
are 1� 105 cm s� 1 (Klimchuk 2006). If the horizontal and vertical magnetic �eld are
assumed to be of similar order of magnitude, this process can lead to a su� cient Poynting
�ux to provide heat to the solar atmosphere. The major challenge is to explain how the
injected energy is converted into heat in the solar atmosphere. Since the coronal plasma
is almost ideal, magnetic reconnection can only occur in current sheets induced by the
gradients in the magnetic �eld that build up due to motions at the solar surface. As the
�eld geometry is becoming increasingly complicated due to braiding, the thickness of
the current sheets decreases (Pontin and Hornig 2015). At some point, the current sheets
become su� ciently thin for the magnetic Reynolds number to approach order unity and
for magnetic reconnection to set in. This allows the magnetic �eld to rearrange itself
into a lower energy state, releasing the stored magnetic energy in the process. The freed
magnetic energy is converted either converted directly into heat or into kinetic energy that
is later dissipated.

1.4.1.1 The Parker braiding model

In an in�nite volume bounded by in�nitely conducting planes containing a magnetic �eld
spanning from one plate to the other and moved around by boundary motions, the mag-
netic �eld develops tangential discontinuities during the relaxation to a static equilibrium
(Parker 1972). This model is illustrated in Fig. 1.1. For almost all possible boundary
�ows no smooth static equilibrium exists.
This hypothesis has never been formally proven or disproven (Pontin and Hornig 2020).

The tangling of �eld lines leads to gradients in the magnetic �eld and thus induces cur-
rents in the corona (Parker 1983). If the footpoint motions are su� ciently slow compared
to the Alfvén wave travel time, the magnetic �eld evolves through a series of equilibria,
storing magnetic energy in excess of the energy associated with the potential �eld. This
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Figure 1.1: Sketch to illustrate the Parker �eld line braiding model. The motions at
the boundariesz = 0 andz = L braid the �ux tubes around each other. Figure taken
from Parker (1983). Credit: Parker, E. N.: 1983, ApJ 264, 642, DOI: 10.1086/160637,
reproduced with permission© AAS

Figure 1.2: Sketch to illustrate the �ux tube tectonics model. Magnetic elements at the
photosphere are connected to multiple neighbors. Heating takes place at separatrix sur-
faces between the �ux tubes. Figure taken from Priest et al. (2002). Credit: Priest, E. R.,
Heyvaerts, J. F., and Title, A. M.: 2002, ApJ 576(1), 533, DOI: 10.1086/341539, repro-
duced with permission© AAS

energy can be released by Ohmic dissipation of the currents and reconnection of braided
�eld lines (Parker 1988), unresolved impulsive events dubbed "nano�ares".
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1.4.1.2 Flux tube tectonics

Coronal loops are not isolated structures, they interact with their environment. The orig-
inal braiding model did not take into account the complexity of the magnetic �eld on the
Sun and assumed a uniform background �eld tangled by random motions. In the �ux tube
tectonics picture, the magnetic �ux is assumed to be concentrated in many intense, dis-
crete �ux tubes in the photosphere, which are continuously moved around by photospheric
motions. The magnetic elements are continuously emerging, fragmenting, merging and
cancelling. These �ux tubes have a diameter of 100 km, a magnetic �eld strength of 1200
G and a magnetic �ux of 3� 1017 Mx (Priest et al. 2002). In analogy to plate tectonics
on Earth, this coronal heating model is called the �uxtube tectonics model. This idea is
illustrated in Fig. 1.2. The boundary between separate �ux systems, the separatrix sur-
faces, are preferred locations for the formation of current sheets. The heating occurs in
current sheets formed and dissipated at separatrices and quasi-separatrix layers at bound-
aries between �ux from di� erent sources. Along the separatrices, the heating was found
to be uniform, so the elementary �ux tubes are expected to be heated uniformly. Most
of the magnetic �ux closes in the magnetic carpet at low heights, so from this model the
heating would be expected to be strongest near the loop footpoints. The time range over
which the �eld is replaced is 10-40 hours (Schrijver et al. 1998, Priest et al. 2002). This
is also the timescale over which the process of reconnection of the large-scale magnetic
�eld takes place. The strong magnetic elements are pushed around at the solar surface
on the timescale of granulation, which is �ve minutes. This model does not take into
account internal motions within photospheric concentrations, only the relative motion of
magnetic elements. The smallest coronal loops have their footpoints in one such strong
�ux concentration and are bounded by current sheets, while larger loops link to several
sources and can contain separatrix surfaces.

1.4.2 AC heating

The turbulent convection at the solar surface produces motions on a variety of timescales.
In addition to slowly stressing the magnetic �eld, the photospheric motions also launch
MHD waves propagating into the atmosphere (Alfvén 1947). If the driving motions cause
coronal currents varying on timescales short compared to the Alfvén transit time, the na-
ture of the heating is considered to be Alternating Current (AC) heating (Priest 2014). A
variety of di� erent wave types can exist in the solar atmosphere, such as sound waves,
Alfvén waves, magnetosonic waves, or various magnetic �ux tube waves (Klimchuk
2006). Through processes such as mode coupling, energy can be transferred between dif-
ferent wave modes so that the combination of wave modes present is a function of height.
The estimated energy �ux associated with waves in the low atmosphere is su� cient to
heat the solar corona. It is however unclear how much of this energy �ux is actually able
to pass through the transition region into the corona due to the steep gradients in density
and temperature. Acoustic and slow-mode magnetosonic waves will steepen into shocks
and be damped, while fast magnetosonic waves undergo strong refraction and re�ection.
Alfvén waves are transverse and do not steepen into shocks, so they are the most promis-
ing candidates for a wave mode that reaches the corona to dispose energy (Klimchuk
2006). Alfvén waves do, however, undergo re�ection at the transition region due to the

28
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large increase in Alfvén speed. Transmission is only strong for loop resonance frequen-
cies (Hollweg 1984). This is a problem for short loops, since the photosphere might not
produce su� cient oscillatory power at high enough frequencies. Alfvén waves could also
be produced in the corona itself, for example in magnetic reconnection sites. Since in this
case the energy is �rst stored in the magnetic �eld stressed by slow motions, this scenario
�ts neither neatly in the DC nor in the AC category (Klimchuk 2006).
Similar to reconnection, energy release due to MHD waves occurs by resistive or viscous
dissipation. For a long time it was thought that Alfvén waves could not be dissipated
e� ciently in the corona. Transverse gradients in the Alfvén velocity due to variations in
density may enable the formation of small scales and the extraction of energy.
Alfvén waves have been found to be abundant in the corona (Tomczyk and McIntosh
2009). Energy �uxes inferred from nonthermal line broadening of coronal emission lines
are su� cient for coronal heating, but the observed nonthermal broadening could also
arise from unresolved motions such as �eld aligned �ows produced by heating events
(Patsourakos and Klimchuk 2006, Klimchuk 2006).

1.4.2.1 Alfvén waves

Alfvén waves are propagating perturbations in a magnetized plasma. The magnetic ten-
sion force acts as a restoring force (Alfvén 1942). Compressional or fast mode waves are
associated with perturbations of the magnetic �eld and the plasma and propagate in any
direction. For torsional or shear Alfvén waves the perturbations in the magnetic �eld and
the plasma velocity are transverse to the direction of propagation and the magnetic guide
�eld.

If the perturbations in the magnetic �eld are small compared to the guide �eld, the
magnetic �eld can be expressed as the superposition of a strong guide �eld and a per-
turbation B = B0 + b. Assuming a homogeneous background state, a small velocity
perturbationv1 and incompressibilityr � v1 = 0 , the system of MHD equations can be
linearized. The dispersion relation for an Alfvén wave derived from linearized system is:

! 2 = v2
A(k � ez); (1.47)

vgroup =
@!
@k

= vAez; (1.48)

whereez is a unit vector in the direction of the magnetic guide �eld,k is the wave vector
directed in the direction of wave propagation, andvA is the local Alfvén speed, which
is de�ned asvA = B0=

p
4�� . For a detailed derivation of the dispersion relation, see

Priest (2014). If the wave vector and the direction of the guide �eld are orthogonal, the
wave frequency! is zero. The group velocity of an Alfvén wave packet is the Alfvén
speed. The group velocity of a wave packet determines the velocity at which information
and energy is transported. The energy is transported by an Alfvén wave packet in the
direction of the guide �eld, while an individual Alfvén wave can travel at any inclination
to the magnetic guide �eld except from the direction normal to the �eld (Priest 2014).
The perturbations of velocity �eldv and magnetic �eldb are antiparallel if the wave
propagates into the direction of the magnetic �eld. The perturbed velocity is orthogonal
to the guide �eld since the Lorentz force is driving the velocity perturbation and only has a
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Figure 1.3: Magnetic �eld lines in the lower atmosphere (panel a)) and in the coronal
part of the loop (panel b)) in the Alfvén wave turbulence model. Figure taken from van
Ballegooijen et al. (2011). Credit: van Ballegooijen, A. A., Asgari-Targhi, M., Cranmer,
S. R., and DeLuca, E. E.: 2011, The Astrophysical Journal 736(1), 3, DOI: 10.1088/0004-
637X/736/1/3, reproduced with permission© AAS

component orthogonal to the guide �eld in the linear approximation. Linear Alfvén waves
do not cause perturbations in the magnetic pressure since the perturbation is orthognal to
the guide �eldPm = b� B0=8� = 0. The remaining part of the Lorentz force that can drive
�ows is the tension force.

In case of a homogeneous background medium, dissipation of the energy carried by
Alfvén waves is very ine� cient. The damping timescale can be shortened by processes
such as resonant absorption (Ionson 1978) or phase mixing (Heyvaerts and Priest 1983).
In the phase mixing scenario, di� erent Alfvén speeds on neighboring �eld lines due to
inhomogeneity in magnetic �eld and/or density causes Alfvén waves propagating along
those �eld lines to become more and more out of phase. This leads to an energy cascade
to small scales until the energy is dissipated.

1.4.3 MHD turbulence

The heating by reconnection or waves can also be described by magnetic turbulence.The
observed broadening of emission lines from unresolved �ows could stem from either re-
connection out�ows at current sheets or a superposition of Alfvén waves (Iroshnikov
1964, Kraichnan 1965). MHD turbulence can both cause and arise from magnetic re-
connection and wave dissipation. In response to the winding by the footpoint motions,
the corona tries to relax toward a force-free state. This can happen through an evolution
through nonlinear force-free equilibria or through 3D reconnection preserving magnetic
helicity (Priest 2014). Quantities conserved in the absence of dissipation are energy, mag-
netic helicity and cross-helicity. These invariants can undergo cascades from large to
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small scales or from small to large scales (inverse cascade). According to a model by
van Ballegooijen et al. (2011), the chromosphere and the corona can both be heated by
turbulence generated by a superposition of Alfvén waves propagating up from the photo-
sphere. The setup is illustrated in Fig. 1.3. Due to the steep increase in Alfvén velocity at
the transition region, part of the wave energy is re�ected at the boundary between chro-
mosphere and corona and part of it is transmitted into the corona. This model, however,
cannot explain the heating of the hottest loops in the center of active regions that can
reach temperatures above 3 MK (Priest 2014). Furthermore, the estimated broadening of
emission lines by the nonthermal motions exceed observed values (van Ballegooijen et al.
2017). The velocity amplitudes that would be necessary to heat the hot loops are therefore
not compatible with observational constraints.

1.4.4 Flux cancellation

High resolution magnetograms recorded by IMAX on Sunrise as well as magnetograms
from HMI onboard SDO revealed that some hot and bright active region loops with tem-
peratures of several million Kelvin are anchored in regions with a dominant magnetic
polarity and nearby smaller opposite-polarity patches (Chitta et al. 2017, 2018). The can-
cellation of these small opposite polarity patches could lead to reconnection in the chro-
mosphere and subsequent heating of the loop. Coronal brightenings have been observed
simultaneously with �ux cancellation (Chitta et al. 2017, 2018). Evidence for recon-
nection at the base of active region loops was found with the Interface Region Imaging
Spectrograph (IRIS) (Chitta et al. 2020). Small inverse Y-shaped plasma jets ejected from
regions of �ux cancellation have been observed. These jets provide a possible source of
mass to the corona.
An analytical model for this cancellation nano�are scenario was developed by Priest et al.
(2018) and it was concluded that this mechanism could in principle provide su� cient en-
ergy to power the chromosphere and corona given that enough energy liberated by the
�ux cancellation leaks through to higher layers. Numerical models of this scenario were
in good agreement with the analytical estimate (Syntelis et al. 2019).

1.4.5 Swirls

Rotating structures were found in observations of the photosphere (Brandt et al. 1988,
Bonet et al. 2008, 2010) and observed as rotating rings in the chromospheric Ca II line
(Wedemeyer-Böhm and Rouppe van der Voort 2009). Signatures of energy dissipation
were observed in the low corona above swirls and they have been interpreted as energy
channels into the low corona (Wedemeyer-Böhm et al. 2012). Vortex motions do not con-
stitute a distinct heating mechanism, but could be responsible for channeling energy from
the photosphere into the corona by twisting magnetic �eld lines.
In agreement with observations, abundant vortex motions have been found in simula-
tions of solar surface magnetoconvection (Moll et al. 2011) and have been shown to
carry Poynting �ux into the chromosphere (Yadav et al. 2020a, 2021, Battaglia et al.
2021). They could also play a role for the formation of chromospheric jets accelerated
by the upward directed Lorentz force arising from twisted magnetic �eld lines (Iijima
and Yokoyama 2017). It was suggested that vortices in the lower atmosphere behave like
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Figure 1.4: Coronal loops seen in the 171 Å band of AIA on Christmas 2021. The image
was produced using helioviewer (Müller et al. 2017). Credit: SDO (NASA).

Alfvénic perturbations and could launch torsional Alfvén waves or pulses into the upper
atmosphere (Fedun et al. 2011, Shelyag et al. 2013, Battaglia et al. 2021, Yadav et al.
2022).

1.5 Coronal loops

To the naked eye, the solar disk appears homogeneous. Zooming into a small region, a
multitude of structures is manifesting itself. The structure of the solar atmosphere is de-
termined by gravitational strati�cation and the geometry of the magnetic �eld. Coronal
loops are bright magnetically closed structures of dense plasma con�ned by the magnetic
�eld connecting di� erent polarities at the solar surface, observable in X-ray and EUV
light by EUV imagers such as SoHO/EIT, TRACE and SDO/AIA (Reale 2014). The
magnetic �eld determines the loop structure, stores energy and directs the heat �ow. Due
to the high electric conductivity of the corona, the frozen-in condition holds and particles
cannot move across the magnetic �eld. Since the magnetic �eld traps the plasma, coronal
loops outline arches of magnetic �eld lines. The plasma temperatures in the coronal loops
range from 1 to 10 MK. The heating mechanism that sustains coronal loops is subject to
active discussions, as discussed above.
Loops appear to consist of many thin strands. Heat is conducted much more e� ciently
along than across the magnetic �eld, so that regions with di� erent magnetic connectivity
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are e� ectively thermally insulated from each other. Loop brightenings have also been ob-
served to last longer than the loop cooling timescale, so it is likely that the loop consists
of multithermal strands. The heat released in the corona is conducted along the �eld lines
down to the chromosphere. The colder and denser chromospheric plasma is heated and
expands into the atmosphere, �lling the loop with hot and dense plasma. The density is
then determined by the temperature of the plasma that is magnetically connected. When
the loop �lls with plasma, it brightens and can be detected in EUV or X-ray emission.
After the heating event, the plasma cools down by conduction and radiation and drains
from the loop. With decreasing density and temperature, the loop dims.

In thermal equilibrium, the time-dependent terms in the energy equation vanish. As-
suming the coronal loop is static andv = 0, the energy balance for a coronal loop is

H � Qrad � r � q = 0; (1.49)

whereH is the heating rate,Qrad are the radiative losses andr � q is the divergence of the
downward conductive heat �uxq = � � 0T5=2r T. In the chromosphere, heating rate and
radiative losses are large and the conductive losses are small. The radiative losses reach
a maximum in the lower transition region that far exceeds the local heating rate (Priest
2014). This leads to a steep increase in the temperature gradient. The heat conducted
downwards from the corona is then radiated away in the transition region. This energy
balance allow for the derivation of scaling relations for static coronal loop models.

1.5.1 The RTV scaling laws

Under the assumption of hydrostatic equilibrium, coronal loops can be described by an
analytical relation of loop temperature, pressure and size. Such scaling laws depending
on heating rate and loop length were derived by Rosner et al. (1978) and were named
Rosner-Tucker-Vaiana (RTV) scaling laws after the authors. The assumption behind the
derivation of the scaling laws is that the conductive heat �ux and the heating rate are
in balance, while the radiative losses in the corona itself are negligible since the energy
conducted downward is radiated away at the footpoints.
The relation between the apex temperature and heating rate and the loop length is

Tmax � 1:4 � 103(PL=2)1=3 K; (1.50)

Hmax � 9:8 � 104P7=6(L=2)� 5=6 erg s� 1cm� 3: (1.51)

Alternatively, temperature and pressure can be expressed as a function of heating rate:

p / H6=7L5=7; (1.52)

T / H2=7L4=7: (1.53)

The scaling relation for the density follows from the relations for temperature and
pressure using the ideal gas lawp = 2nekBT as

� /
1

2kB
H4=7L1=7: (1.54)
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A modi�cation of the RTV scaling laws for nonconstant heating rates was derived by
Serio et al. (1981).

1.5.2 1D loop models

In 1D loop models, the equations of hydrodynamic equilibrium are solved along a mag-
netic �eld line. In contrast to scaling laws, 1D models treat time-dependent problems. 1D
models have been used to study the response of the plasma to various spatial and tem-
poral distributions of heating events (Boris and Mariska 1982, Mariska and Boris 1983,
Hansteen 1993). 1D models allow for a very high resolution at low computational cost.
This allows to better resolve the steep temperature and density gradients at the transition
region. At some point, however, the small grid spacings can get smaller than the electron
mean free path and the MHD approximation stops being valid (Peter 2015). 1D mod-
els can reproduce �ows parallel to the magnetic guide �eld and spectral line broadening
(Patsourakos and Klimchuk 2006). While the e� ects of expansion of magnetic �eld with
height can be incorporated in this model, the interactions of magnetic �eld lines cannot
(Miki ć et al. 2013). One of the drawbacks of 1D models is that most coronal heating
mechanisms cannot be modelled in a self-consistent way since they require the reconnec-
tion of magnetic �eld lines or motions transverse to the magnetic �eld, thus they require
a parameterized heating rate as input.

1.5.3 3D coronal loop models

In order to self-consistently reproduce the coronal heating mechanism, 3D models are
needed. Due to computational cost, these models are limited to lower resolutions than
the 1D models. Several variations of 3D coronal models have been studied with varying
degrees of realism.

1.5.3.1 Coronal loop models in a Cartesian geometry

In the original braiding model by Parker, a uniform �eld is braided by boundary motions
that are applied on the perfectly conducting plates. Various versions of this scenario have
been studied in numerical simulations.
Coronal loops have been modelled in the framework of reduced MHD as long and thin
magnetic �ux tubes with a strong, time-independent uniform background �eld. Reduced
MHD models allow for a high resolution at a low computational cost. The reduced MHD
formalism was �rst developed to describe the behavior of plasma enclosed in the strong
magnetic �eld of a tokamak (Strauss 1976). Only perturbations in the velocity �eld and
the magnetic �eld transverse to the background magnetic �eld are evolved. The back-
ground �eld and density are assumed to be constant. These models have been used mainly
for the study of the simpli�ed braiding model of Parker and resulting MHD turbulence
(Rappazzo et al. 2007, Rappazzo et al. 2008, 2010, Rappazzo et al. 2017) and Alfvén
waves (van Ballegooijen et al. 2011, van Ballegooijen et al. 2014, 2017). The e� ect of
speci�c photospheric motions has been studied, such as di� erent con�gurations of vortex
motions at the photosphere (Rappazzo et al. 2019).
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A drawback of reduced MHD models is that the plasma response cannot accurately be
modelled, the large scale evolution of the magnetic �eld is neglected and the coupling
to the lower atmosphere is not incorporated. The driving velocity �eld has to be pre-
scribed at the boundaries in order to provide the necessary energy input to heat the loops.
Furthermore, it is assumed in the framework of reduced MHD that the deviations from
the background magnetic �eld are small and can be treated as perturbations. In the real
corona this is not necessarily the case.
Coronal loops approximated as straightened �ux tubes driven at the boundaries have also
been studied in ideal MHD for the limit of vanishing gas pressure (Mikic et al. 1989). Mi-
kic et al. (1990) investigated the time evolution and development of the kink instability of
a twisted magnetic �ux tube due to photospheric vortex motions at the boundaries in ideal
MHD. Heating of the corona by braided magnetic �ux tubes in a stretched loop geometry
was studied numerically in full MHD by Galsgaard and Nordlund (1996). Reconnection
between magnetic �eld braided by large-scale boundary motions was found su� cient to
heat the solar corona, with the injected Poynting �ux being a function of parameters such
as the driving timescale and the loop length. Gravitational strati�cation has been added in
Galsgaard and Roussev (2002) for the 2D case.
In addition to studying the in�uence of various types of driving motions, this setup has
also been used to investigate the relaxation of an already braided �ux tube and the result-
ing turbulence. Instead of braided magnetic �elds being built up by boundary motions,
a magnetic braid is used as an initial condition and then evolved in an ideal MHD sim-
ulation (Wilmot-Smith et al. 2009a,b) until a force-free state is reached. The �nal state
is then evolved in a resistive MHD simulation (Wilmot-Smith et al. 2010, Pontin et al.
2011, Wilmot-Smith et al. 2011). These studies circumvent the problem that numerical
simulations are more di� usive than the real solar atmosphere and magnetic reconnection
sets in before complex structures can form in the magnetic �eld.
Reconnection can not only arise from a complex braided �eld, but also from instabilities
occuring in an ordered magnetic �eld. Instabilities that occur in one �ux tube can desta-
bilize neighboring structures. This can lead to a chain reaction, causing a series of bursty
coronal energy releases. Cellular automata have been used to describe these avalanches
leading to coronal heating. Models based on the concept of avalanches were studied by
Hood et al. (2016), Reid et al. (2018). Reid et al. (2018) perform a full 3D MHD simu-
lation of a magnetic avalanche. They model a coronal loop as an assortment of magnetic
�ux tubes driven by photospheric motions. After the kink instability occurs in one of the
threads, the previously stable threads are disrupted in the ensuing chain reaction. This
demonstrates that a large-scale energy release can be triggered by a local instability.

1.5.3.2 Full 3D active region models

Models solving the full MHD problem for an active region either have a velocity driver
mimicking granulation, or contain part of the convection zone in the simulation box. An
important goal of these models is to model synthetic coronal emission. An observed mag-
netogram can be used as a boundary driver to study the evolution of the magnetic �eld.
This allows the modelling of a complete active region without having to properly resolve
the near-surface convection. Alternatively, a shallow convection zone can be included at
the bottom boundary so that the model is self-consistently heated. These types of models
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allow for heating by horizontal shu� ing of magnetic �eld as well as for �ux emergence
and also allow the magnetic �eld to expand, leading to a drop of the heating rate in re-
sponse to the strati�cation which is not incorporated in simpli�ed models assuming a
strong uniform �eld.
The achievable Reynolds numbers in these comprehensive simulations are lower than
what can be achieved in lower dimensional setups and reduced MHD. They do, however,
produce values for coronal quantities such as density and temperature consistent with ob-
servations. They include the dynamical response of the plasma to heating and allow for
the forward modelling of coronal emission that can be directly compared to observations.
The �rst model of a full active region was studied by Gudiksen and Nordlund (2002,
2005b,a) by extrapolating the magnetic �eld from the magnetogram of an active region
and including a photospheric driver mimicking granulation. The Ohmic heating due to
currents arising from braiding of the magnetic �eld was found to be su� cient to heat
the plasma in the simulation domain to coronal temperatures. A similar concept was
employed by Bingert and Peter (2011), who found both continuous heating and heating
events strongly intermittent in space and time, thus supporting the nano�are picture. The
energy distribution in this model was found to be consistent with nano�ares (Bingert and
Peter 2013). Bourdin et al. (2013) found that a coronal model driven by observed mag-
netic and velocity �elds reproduces coronal loops and their dynamics in active regions.
Instead of using an observed magnetogram, Chen et al. (2014) coupled a coronal part to
the photospheric magnetic �eld produced by a large-scale �ux emergence simulation as
the lower boundary to study the formation of a coronal loop with a realistic curved ge-
ometry driven by motions of the magnetic �eld at the solar surface. They found that the
coronal loop was energized by converging �ows advecting small magnetic patches into
the emerging sunspot. A visualization of the active region loop forming in their model is
shown in Fig. 1.5. The loop forms between the outskirts of the two sunspots.
Models self-consistently including the convection zone were done, among others, by
Gudiksen et al. (2011), Hansteen et al. (2015) with the BIFROST code and by Rem-
pel (2017), who implemented a coronal extension to the MURaM code. The energy input
due to braiding was studied by Hansteen et al. (2015). They �nd that, consistent with the
braiding model, the convective motions at the solar surface lead to the buildup of gradi-
ents in the magnetic �eld in the atmosphere with strong Joule heating.
Simulations in a realistic setup have been extended to the emergence of a full active region
(Chen et al. 2021) and large-scale �ares (Cheung et al. 2019).

1.6 Motivation of this work

The aim of our study is to investigate the self-consistent exchange of energy between at-
mospheric layers and the resulting internal structure of a coronal loop. In this work, we
follow a mixed approach for the modelling of large-scale coronal systems. We study a
coronal loop modelled as a straightened-out magnetic �ux tube in a Cartesian geometry
that we couple to a shallow convection zone layer.
Coronal loop models based on a straightened-out magnetic �ux tube and an empirically
prescribed velocity driver at the base of the corona do not capture the complexity of
the magnetic �eld in the solar atmosphere and the exchange of material and energy be-
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Figure 1.5: Visualization of a 3D simulation of an active region loop driven by a simu-
lation of emerging magnetic �ux. Reproduced from Chen et al. (2014). Credit: Chen,
F.; Peter, H.; Bingert, S.; Cheung, M.C.M, A&A, 564, A12, 2014, DOI: 10.1051/0004-
6361/201322859, reproduced with permission© ESO

tween di� erent atmospheric layers. Simulations including both magnetoconvection and
the corona that allow for forward modelling of "realistic" coronal structures are costly and
typically the resistivity is too high to resolve the fast small-scale motions that could con-
tribute to energy transfer into the corona and to observable �ne structure. Models based
on observed magnetograms are limited by the �nite available resolution of observing in-
struments and the lack of information about the horizontal magnetic �eld components and
twist in the magnetic �eld. Small-scale motions within magnetic �ux concentrations are
not well captured and thus these models are biased towards DC-processes caused by rel-
ative motions of magnetic patches at the photosphere for heating. While smaller coronal
structures such as bright points can be modelled in high resolution, typical grid resolu-
tions in active region models are of the order of several hundred kilometers, which is also
the order of magnitude of the diameter of observed loop strands. Coronal loop strands are
therefore only resolved by a few gridpoints in these models, if at all.

By coupling a coronal loop modelled as a straightened-out magnetic �ux tube to a
convection zone layer, the energy required to heat the loop to coronal temperatures is
injected in a self-consistent way by the interaction of surface convection with magnetic
concentrations. We have both a realistic lower atmosphere that serves as an energy and
mass reservoir and a high resolution of the loop cross-section. This way, we can study the
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magnetic coupling of di� erent atmospheric layers, capturing both small-scale motions of
the velocity �eld driving the magnetic �eld evolution and the �ne structure that develops
in the atmosphere as a response.
The structure of this thesis is as follows. Inchapter 2, we give an introduction to the
MURaM code and describe analysis methods that we have employed in this work and the
numerical setup that we have used. Inchapter 3, we discuss the initial low resolution
run we performed in the new setup. We describe the general behavior of the coronal loop
and identify structures in the loop cross section related to energy injection and heating.
We �nd abundant vortex motions present from the photosphere to the corona. Inchapter
4, we investigate small-scale vortices in the high resolution run and the role they play as
an energy channel into the corona. Eventually, inchapter 5 we synthesize spectral lines
and study the impact of the loop structure and resolution on the synthetic emission. We
summarize our �ndings and present conclusions inchapter 6. In chapter 7 I discuss
further applications of the loop model presented in this thesis.
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2 Numerical and analysis methods

In this chapter, we give an introduction to the MURaM code that has been employed
to conduct the 3D MHD simulations studied in this work, brie�y discuss the changes
that have been made to the code for the setup used in this study, and describe the initial
conditions. We also present some of the analysis methods used, such as magnetic �eld
line tracing and vortex identi�cation using the swirling strength criterion.

2.1 The MURaM code

We use the MURaM code to conduct radiative magnetohydrodynamic simulations. The
MURaM code solves the full system of compressible MHD equations coupled with ra-
diative transfer. The code was originally developed to simulate magnetoconvection in the
photosphere. For a more in-depth description of the MURaM code see Vögler (2003) and
Vögler et al. (2005).
In order to include the corona in the simulation domain, several changes have been im-
plemented into the MURaM code by Rempel (2017). This includes �eld-aligned Spitzer
heat conduction, a limiter for the Alfvén speed and an approximate treatment for the heat
�ux to limit the thermal conduction speed, and optically thin radiative losses. Impos-
ing a limit on the Alfvén speed and the thermal conduction speed is done to prevent the
timestep from becoming too small and increase the computational cost of the simulations.
The coronal extension is described in detail in Rempel (2017).

The system of equations as they are used in the code is:

@�
@t

= �r � (� v); (2.1)

@�v
@t

= �r � (� vv) � r P + � gs(z)ẑ+ FL + Dnum;visc

+ FSR; (2.2)
@EHD

@t
= �r � [v(EHD + P + qB=jBj)] + � v � (gs(z)ẑ)

+ v � FL + v � FSR + Qrad + Qthin

+ Qnum;res+ r � (� � v); (2.3)
@B
@t

= r � (v � B) + Dnum;res; (2.4)

@q
@t

=
1

� cond
(� fSat� T5=2B=jBj � r T � q): (2.5)
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� , v, P and B are mass density, velocity, pressure, and magnetic �eld, respectively.
gs(z) is the gravitational acceleration depending on the position on the loop axis.FL is
the Lorentz force,EHD is the sum of kinetic and internal energy density, q is the mag-
nitude of the heat �ux,Qrad andQthin are the optically thick and optically thin radiative
heating/cooling terms,Qnum;res is the resistive heating term andDnum;res is the di� usive
part of the induction equation arising from numerical resistivity, whileDnum;visc is the vis-
cous force arising from the numerical viscosity. The viscous heating term is taken care of
implicitly since the numerical scheme is conservative for the sum of kinetic and internal
energy density.r � (� � v) is an energy �ux due to viscosity. This energy �ux is here taken
care of implicitly by numerical di� usivities.

The energy equation is solved for the kinetic and internal energy density, excluding
the magnetic energy density. This is done to avoid numerical errors in low beta regions
where the magnetic energy density is dominating at the expense of a scheme that is con-
servative for the total energy density. The system of equations contains additional terms
compared to the system of MHD equations listed in Sect. 1.2.2. The momentum and en-
ergy equations contain a semi-relativistic correction termFSR that arises from limiting the
Alfvén speed in the simulation domain in order to avoid strong constraints on the numer-
ical timestep. This so-called Boris correction will be discussed in Sect. 2.1.7. The heat
conduction equation for the heat �uxq contains a factor� cond governing the maximum
wave speed in the hyperbolic heat conduction treatment and a factorfSat accounting for
the saturation of the heat �ux. The treatment of the heat �ux is described in Sect. 2.1.6.
The code does not use explicit di� usivities, instead the code makes use of the inherent
di� usivity of numerical schemes due to �nite resolution. The numerical di� usion terms
in the energy and momentum equations are discussed in Sect. 2.1.8.
The conditionr � B = 0 is not strictly preserved in a numerical simulation due to the �nite
resolution. In order to avoid spurious magnetic monopoles, a divergence cleaning scheme
following Dedner et al. (2002) is employed. Essentially, a wave equation is solved for the
r � B error. Monopoles are propagated out of the simulation domain while at the same
time ther � B error is damped.
To close the system of MHD equations, a relation between between temperature, pres-
sure and density is needed. The MURaM code uses the OPAL equation of state (Rogers
and Iglesias 1996) in regions with large densities joined to an equation of state based on
the Uppsala Opacity Package (Gustafsson et al. 1975) for densities below 10� 6 g cm� 3.
The code accesses the equations of state in the form of a merged lookup table. In the
corona, temperatures can exceed the table bounds. For regions of the simulation domain
exceeding the upper temperature bounds, an ideal equation of state is used with an adi-
abatic index of
 = 1:65 and a mean molecular weight of� = 0:62 mp. The equation
of state tables include e� ects of partial ionization and are based on the assumption that
the LTE approximation is valid throughout the entire simulation domain including the
chromosphere.

2.1.1 Numerical scheme

The equations are solved on a three dimensional Cartesian grid. The spatial derivatives
in the equations are discretized using a fourth-order centered di� erence scheme on a �ve-
point stencil. For a partial di� erential equation corresponding to a conservation law such
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2.1 The MURaM code

as the system of MHD equations, this is equivalent to solving the equations in conservative
form using a �nite volume scheme (Vögler 2003). The primary variables are� , v, B,
and speci�c internal energy density" . Temperature and pressure are obtained via table
inversion.
An explicit fourth-order Runge-Kutta-like scheme is employed for the time integration
(Jameson 2017).

The code is parallelized with MPI using a domain-decomposition scheme. In order to
compute partial derivatives at the domain boundaries using a �ve-point stencil, two layers
of ghost cells are attached to each subdomain in every grid direction.

2.1.2 Radiative losses

We include LTE radiative transfer in the optically thick regime and a radiative loss func-
tion in the optically thin regime in order to model the heating and cooling due to the
interaction of matter and radiation. The radiative source term is obtained from solving
the radiative transfer equation for a number of directions in the optically thick regime and
from a density- and temperature dependent loss function in the optically thin part of the
simulation domain. The matter is supposed to be in local thermal equilibrium (LTE) in
the whole simulation domain, including the chromosphere.

2.1.2.1 Optically thin radiative losses

In the optically thin limit, the mean free path of photons is much larger than the di-
mensions of the system. The radiative transfer switches o� once the transition region is
reached. The location of the transition region is determined on a column-by-column basis
using a threshold value of T=20000 K (Rempel 2017). For an optical depth below 10� 8,
the radiative losses are calculated using the optically thin radiative loss function

Qthin = � nenH� (T); (2.6)

wherene is the electron density andnH the density of hydrogen nuclei. Assuming a
mixture of hydrogen and helium with a hydrogen fraction of 0.7, the densities are given
by

ne =
�

mp
� 0:85; (2.7)

nH =
�

mp
� 0:7: (2.8)

� (T) is a tabulated, temperature-dependent radiative loss function taken from the
CHIANTI 7 atomic database andmp is the mass of a proton. The abundances used are
from Landi et al. (2012). The radiative loss function has a weak dependence on density,
but here we use a density-averaged version (Rempel 2017).

An issue that arises when calculating the radiative losses is the insu� cient resolu-
tion of the transition region in realistic 3D MHD simulations. A resolution of just a few
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kilometers or even spatial scales below a kilometer would be necessary to resolve the tran-
sition region (Bradshaw and Cargill 2013). Even if such high spatial resolutions would be
reached in 3D MHD simulations, the grid spacing would reach the order of the electron
mean free path and the MHD assumption breaks down (Peter 2015). If a lower numerical
resolution is used, the radiative losses from the transition region are either over- or un-
derestimated, depending on the temperature variation in the grid cells. If the temperature
in a grid cell corresponds to transition region temperatures, the radiative loss would be
overestimated, since the grid cell is wider than the real transition region. If the transition
region falls between two grid cells, the radiative losses would be underestimated. If the
heat �ux from the corona is radiated away in the chromosphere instead of heating transi-
tion region plasma that subsequently evaporates into the corona, the density in the loop
can be underestimated by a factor of two or more (Bradshaw and Cargill 2013). To ame-
liorate this problem, MURaM oversamples density and temperature between grid points
for the radiative loss calculation. The logarithm of density and temperature is assumed
to vary linearly between grid points. A detailed description of the implementation of the
optically thin radiative losses can be found in Rempel (2017).

2.1.3 Optically thick radiative losses

In the optically thick part of the simulation domain radiative transfer calculations in the
grey approximation are performed. To calculate the radiative source term, a short charac-
teristics formal solver is employed (Kunasz and Auer 1988, Vögler 2003). The equation
of radiative transfer (1.38) is discretized and solved along a ray segment. To compute the
intensity at a certain grid point for a certain direction and frequency, the radiative transfer
equation is solved along a ray segment between the grid point and the nearest upwind
intersection of the ray with a cell boundary. A staggered grid is used for the radiative
transfer. Temperature, density and pressure are interpolated onto the cell corners of the
MHD grid. The density, opacity, and source function are assumed to vary linearly along
the ray segment. The integration proceeds in the downwind direction. The correct initial
values for the intensity on the upwind boundary of a subdomain are unknown unless the
boundary is the global top or bottom boundary of the simulation domain. Therefore, the
procedure must be iterated until convergence on the boundaries is achieved. The values
at the top and bottom boundary have to be explicitly speci�ed. If the atmosphere is opti-
cally thin at the top boundary of the box, it can be assumed that the incoming radiation is
negligible and the intensity at the top can be set to zero. At the bottom boundary, which
is usually in the convection zone, the plasma is optically thick and the mean free path of
photons is much smaller than the scale of the modelled system. Interaction of radiation
and matter are assumed to be local since an emitted photon is absorbed almost instanta-
neously and does not leave the grid cell under consideration. In this case the di� usion
approximation for radiation is valid and the incoming radiation can be set to the local
value of the source function, which is the Planck function:

I � (�; x)jbot = B� (x): (2.9)

We use here the grey radiative transfer approximation and neglect the frequency de-
pendency in the calculation ofQrad. The Planck function is replaced by its frequency-
integrated version. To obtain the mean intensityJ and the radiation �uxFrad, the inten-
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2.1 The MURaM code

sity is integrated over all discrete ray directions. For a detailed description of the radiative
transfer module in MURaM, see Vögler (2003).
In the framework of my thesis, I modi�ed the radiative transfer scheme for the straight-
ened loop setup. MURaM is designed for a box-in-a-star setup consisting of a convection
zone layer and an optional atmosphere on top. In this setup, the radiation exits the com-
putational box at the top boundary. In the straightened-loop setup that we use, the top
boundary is replaced by another convection zone layer that constitutes the second loop
footpoint. The radiation from one loop footpoint would thus arrive at the second foot-
point, and heat the chromosphere at the opposite end of the loop. This is not realistic
since in reality the radiation would not travel along the loop axis and reach the second
footpoint. In order to prevent both loop footpoints heating each other, the radiation in
both the up- and downward direction is set to zero at the loop midplane. Since the mid-
plane is located in the optically thin part of the computational box, the radiation is not
coupled to the plasma and does not enter the energy equation apart from the optically thin
radiative loss function, which is calculated on a local basis.
The boundary values for the intensity calculation also need to be modi�ed. For the
straightened loop setup, the "top" boundary is identical to the bottom boundary. The
value for the incoming intensity at both the global top and bottom boundary is set to the
local value of the frequency-integrated Planck function.
Additionally, the calculation of the optical depth needs to be adjusted for the new setup.
The optical depth integration is carried out in the z-direction according to eq. 1.36. Origi-
nally, the integration starts at the top boundary and proceeds towards the bottom boundary
of the box. In our case, this is the axial direction along the loop. The optical depth calcu-
lation needs to be modi�ed so that for each footpoint, the integration starts in the optically
thin part of the loop and is carried out towards the interior of the convection zone, in this
case from the loop midplane towards the top and bottom boundaries. The optical depth
calculation cannot be carried out locally since it depends on the path length.
MURaM uses a Cartesian geometry for the distribution of the subdomains of the global
simulation domain onto di� erent processes. For the integration of the optical depth, a sep-
arate MPI communicator is employed for each column of grid cells. The integrated values
for the optical depth� at the boundary of each subdomain need to be communicated to the
adjacent computational subdomain in the z-direction. To adjust the calculation to the new
setup, each MPI column communicator is split into two separate subcommunicators for
the lower and upper half of the simulation domain. The direction of integration depends
on whether the respective subdomain is located in the upper or lower half of the compu-
tational box and is always directed towards the interior of the Sun, which is the top- or
bottom boundary depending on whether the subdomain in question is located in the upper
or lower half of the global simulation domain.

2.1.4 Boundary conditions

We use open boundaries for the hydrodynamic variables that allow �ows across the bound-
ary in order to mimick the coupling to the deeper layers of the convection zone. Symmet-
ric boundary conditions are applied in the ghost cells for all three components of mass �ux
and magnetic �eld at the bottom boundary, so that the gradient of velocity and magnetic
�elds is zero at the boundary (Rempel 2014). The heat �ux is set to zero at the bottom
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boundary (Rempel 2017). The gas pressure is decomposed into the mean pressure and a
�uctuation component. The mean pressure component is extrapolated into the ghost cells
assuming a �xed value of pressure taken from the standard solar model at the boundary,
while the �uctuation component is damped (Rempel 2014).
The entropy is set to a value speci�ed by the standard solar model in the up�ow regions
at the bottom boundary. In down�ow regions, it is assumed to be symmetrical across the
boundary. The values for the density and the hydrodynamic energy density in the ghost
cells are then determined by the equation of state.
For the runs without a corona on top we use a vertical boundary condition for the mag-
netic �eld at the top boundary.
For the straightened loop setup, the "top" boundary is located at the second loop footpoint
and behaves like another bottom boundary. The original top boundary conditions used by
MURaM are therefore replaced by the bottom boundary conditions with sign changes for
the up�ow and down�ow regions. All quantities are periodic in the horizontal directions.

2.1.5 The computational timestep

The numerical domain of dependence has to include the physical domain of dependence.
This means that a signal propagating in the domain should not be able to traverse more
than one grid cell in a single timestep. This so-called Courant-Friedrichs-Lewy (CFL)
condition imposes a limit on the timestep

fCFL = cmax
� t
� x

; (2.10)

wherecmax is the maximum wave speed in the simulation. A condition for numerical
stability is thatfCFL < 1.

2.1.6 Hyperbolic heat conduction

The heat conduction along magnetic �eld lines is much more e� cient than the heat con-
duction across �eld lines. In the MURaM code, only the �eld-aligned component of
heat conduction is taken into account and the heat conduction across magnetic �eld lines
is neglected. The inclusion of �eld-aligned heat conduction poses a severe limit on the
timestep. This is mitigated by using a hyperbolic di� usion equation instead of the original
heat conduction equation. This approach was originally used in Snodin et al. (2006). The
method was implemented in MURaM by Rempel (2017). For hyperbolic equations, there
exists a maximum signal propagation speed.
Limiting the signal speed is accomplished by introducing an additional term� @q

@t into the
equation for the heat �ux. This yields a modi�ed evolution equation for the temperature:

@T
@t2

+
1
�

@T
@t

� c2@2T
@t2

= 0 (2.11)

with the �nite wave speedc =
p �

� . For a value of� > 0 the heat conduction equation
has the form of a wave equation for the temperature.� is chosen so that the maximum
signal propagation speed is of the order of the Alfvén speed in the simulation
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� =
� t2�

f 2
CFL� x2

; (2.12)

with � t being the timestep,� x the grid spacing andfCFL the CFL factor. � is then
determined by the grid spacing.� has to be smaller than timescale of interest. In order
to avoid violations of the CFL conditions in regions where heat is transported by both
conduction and advection of material, the maximum propagation velocity of the heat front
is set to fCFL

� xmin
� t � j vj. The equation for the evolution of the heat �uxq then takes the

following form:

@q
@t

=
1
�

(� fsat� T
5
2 (b̂ � r )T � q); (2.13)

� =
 
fCFL

� xmin

� t
� j vj

! � 2 fsat� T
7
2

Eint
: (2.14)

� is the Spitzer heat conductivity andb̂ is the unit vector in the direction of the �eld.
In the original form, the temperature gradient and thus the heat �ux can be arbitrarily
large. In reality, this is not possible. Heat is mainly transported by electrons, and when
all electrons are moving in the same direction at the electron thermal speed, the heat �ux
saturates (Fisher et al. 1985, Meyer et al. 2012). Spitzer heat conduction assumes that the
electron mean free path is shorter than the temperature scale height. If the mean free path
is equal or greater to the temperature scale height, Spitzer's formulation is no longer valid
(Cowie and McKee 1977). The saturation of the heat �ux is taken into account by the
pre-factor

fsat =

0
BBBB@1 +

j� T
5
2 (b̂ � r )Tj

1:5� C3
S

1
CCCCA

� 1

; (2.15)

whereCS is the speed of sound.

2.1.7 Boris correction

The Alfvén speed can reach very large values in the tenuous corona and thus severely limit
the simulation timestep. If the nonrelativistic version of the MHD equations are used, it
can even exceed the speed of light. To overcome this problem, the MURaM code solves
a modi�ed semi-relativistic momentum equation imposing a reduced speed of light. This
is the so-called Boris correction introduced by (?). The implementation in the MURaM
code follows Gombosi et al. (2002). If we do not neglect the displacement current in eq.
(1.5), the Lorentz force becomes

1
c

j � B =
1
4�

(r � B) � B +
1

4� c
B �

@E
@t

: (2.16)

Inserting the modi�ed Lorentz force into the momentum equation, using the relation
E = � 1

cv � B and neglecting terms of the order ofv2

v2
A

under the assumption that the
plasma velocities are much smaller than the real Alfvén speed, that yields the modi�ed
momentum equation
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@
@t

 
E � B
4� c

+ � v
!

+ r � (� vv+ IP) = � g +
1
4�

(r � B) � B +
1
4�

(r � E) � E: (2.17)

Inserting the expression forE leads to a modi�ed momentum equation

@�v
@t

+ r � (� vv+ IP) = � g +
1
4�

(r � B) � B + FSR (2.18)

with the semi-relativistic correction termFSR

FSR = � (1 � fA)[I � b̂b̂]
 
� � (v � r )v � r P + � g +

1
4�

(r � B) � B
!
; (2.19)

where fA is an approximate limiting factor chosen asfA = 1q
1+( vA

c )4
. The Alfvén

velocity then becomes v2
Aq

1+( vA
c )4

.

The main e� ect of the Boris correction is to limit the Alfvén speed to the reduced speed
of light by increasing the inertia perpendicular to the �eld lines. The Boris correction
does not violate the conservation of energy. The work done by the correction term in
the momentum equation stores energy in the electric energy reservoir. For details on the
implementation of the Boris correction see the appendix of Rempel (2017).

2.1.8 Numerical di� usivities

Currently it is not known which processes exactly are responsible for the dissipation of
energy in the corona. These mechanisms likely operate on length scales of centime-
ters. These small scales cannot be resolved by coronal simulations, furthermore the MHD
approximation breaks down at those scales. Every large-scale simulation of the solar at-
mosphere is therefore necessarily a large-eddy simulation. This means that some kind of
parameterization is needed to account for the dissipation of energy.
In order to avoid the buildup of energy on the grid scale and maintain numerical stability,
we need to introduce arti�cial di� usivities (Rempel 2014). To this end, MURaM uses a
slope-limited di� usion scheme. The MURaM code only uses numerical di� usivities. We
do not use explicit resistivity and viscosity in our simulations.
Variables at the cell interfaces are reconstructed using a piecewise linear reconstruction
(Rempel 2014):

ul = ui + 0:5� ul; (2.20)

ur = ur + 0:5� ur ; (2.21)

with ul and ur being the extrapolated values at the cell interfaces and� ul and � ur

the respective reconstruction slopes. The reconstruction slopes are calculated using a
monotonized central di� erence limiter:

� ui = minmod([(ui+1 � ui� 1)=2;2(ui+1 � ui); 2(ui � ui� 1)]): (2.22)
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This is a combination of the minmod and the Superbee limiter. The numerical di� usive
�uxes at the cell interfaces are calculated as

fi+ 1
2

= �
1
2

ci+ 1
2
� h(ur � ul; ui+1 � ui) � (ur � ul); (2.23)

whereci+ 1
2

is a characteristic velocity at the cell interface and� h is a function con-
trolling the hyperdi� usivity of the scheme. The characteristic velocity is given by a
combination of the Alfvén velocity, the sound speed and the speed of the �uid �ow

ci+ 1
2

= jvj +
q

(max(c2
s; fA � (c2

s + v2
A))), where fA is the limiting factor for the Alfvén

speed. The function� h is given by

� h =

8
>>><
>>>:

max
�
0;1 + h

�
ur� ul
ui+1� ui

��
for (ur � ul) � (ui+1 � ui) > 0

0 for (ur � ul) � (ui+1 � ui) 6 0
(2.24)

The term (ur � ul) � (ui+1 � ui) becomes smaller than zero if the di� erence between recon-
structed values at the cell interfaces has the opposite sign of the di� erence between the
non-reconstructed values. This would lead to a di� usive �ux from a grid cell with a lower
magnitude of the variable in question to a grid cell with a higher value. The choice to set
the function� h to zero in this case therefore ensures that there is no antidi� usion.
If the parameterh is chosen to be zero, the numerical scheme reduces to a second order
Lax- Friedrichs scheme. A choice ofh > 0 leads to a reduction of di� usion in smooth re-
gions, while for h>1 the di� usivity is completely disabled for su� ciently smooth regions
with well-resolved features. The di� usivity is only applied in regions with monotonicity
changes or features that are just resolved by a few gridpoints. The di� usion scheme is
applied to the variables log(� ); "; v; B, with " = Eint

� being the speci�c internal energy den-
sity. Di� erent di� usivities are chosen for di� erent variables and in di� erent regions. The
di� usive mass �ux is assumed to also transport momentum and internal energy, therefore
a term depending on the di� usive mass �ux is added to the momentum equation and to
the energy equation.

The numerical di� usion terms in the momentum and induction equation lead to a
change in kinetic and magnetic energy and thus do work (Rempel 2018):

v � Dnum;vis = �r � Fvisc � Qvis (2.25)
1
4�

B � Dnum;res = �r � Fres � Qres; (2.26)

whereFvisc andFresare energy �uxes that are small compared to the other energy �uxes in
the simulation andQnum;vis andQnum;res are the viscous and resistive heating rate, respec-
tively. The numerical resistive and viscous heating rates at each gridpoint are computed
from the gradient of the magnetic and velocity �eld and the numerical �uxes of the re-
spective quantities:

(Qvis;num)i =
1
2

� i

3X

m=1

 
( f num

v )m
i� 1

2

vm
i � vm

i� 1

� x
+ ( f num

v )m
i� 1

2

vm
i+1 � vm

i

� x

!
; (2.27)

(Qres;num)i =
1
8�

3X

m=1

 
( f num

B )m
i� 1

2

Bm
i � Bm

i� 1

� x
+ ( f num

B )m
i� 1

2

Bm
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i

� x

!
: (2.28)
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Figure 2.1: Initial horizontally averaged pro�les of thermodynamic quantities in the coro-
nal part of the simulation domain as a function of arclength. From left to right: Tempera-
ture, density and pressure.

The components in the di� erent spatial directions are added sequentially. Since the mag-
netic di� usivity is not uniform in the simulation domain but instead enhanced at the loca-
tion of gradients in the magnetic �eld, this could be seen as a parameterization of anoma-
lous resistivity. E� ective numerical di� usivities can be computed from averages of the
resistive heating terms and the explicit expressions following Rempel (2018)

� e� =
hQvis;numi

h�
P

i;k
@vi
@xk

h
@vi
@xk

+ @vk
@xi

� 2
3� ikr � v

i
i
; (2.29)

� e� = 4�
hQres;numi
hjr � Bj2i

: (2.30)

The correlation between the Spitzer resistivity and the e� ective numerical resistivity, how-
ever, was found to be weak (Rempel 2017).

2.1.9 Model setup

2.1.9.1 Initial conditions

To build the coronal loop model, we start with a shallow computational box that extends
up to one Mm above the solar surface. For the initial pro�les of temperature, density and
pressure in the shallow box the standard solar model (SSM) is employed. The thermody-
namic quantities are interpolated from tabulated values. Above the SSM an isothermal,
constant pressure scale height extrapolation is used with the atmosphere supposed to be
in hydrostatic equilibrium:

0 = �
@P
@z

� � g� ; (2.31)

whereP is the gas pressure andg� is the gravitational acceleration at the solar surface.
The box is evolved for several hours to reach a steady state. We add a uniform magnetic
�eld and evolve the box for another hour.
In the last step, we add the coronal part. In order to avoid numerical transients arising from
a corona that is initially at chromospheric temperatures and would immediately drain from
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the loop, we impose an initial temperature pro�le of the form

T(s) = T0 +
(Tcor � T0)

2

 
1 + tanh

 
sin � s

2L � R � zcor

zwidth

!!
; (2.32)

whereT0 is the mean temperature at the upper boundary of the shallow simulation box,
Tcor is the temperature at the loop apex,zcor is the extent of the original shallow box above
the photosphere,s is the distance along the loop axis,L is the half-length of the loop and
zwidth is a parameter determining the thickness of the transition region, which we set to
zwidth = 0:18. In addition to an initial state for the temperature, an initial pro�le for the
density and the pressure in the loop leg is required. In order to determine pressure and
density from the temperature pro�le, we assume that the atmosphere is initially in hydro-
static equilibrium.
In order to compute the initial pro�les of temperature, density and pressure, we need to
take into account that the component of the gravitational force directed along the loop axis
changes with height due to the loop curvature. We assume that the loop has a semicircular
shape above the solar surface. In the shallow convection zone layer below the solar sur-
face, the gravitational acceleration should be equal to the full gravitational acceleration
at the solar surface, but needs to have the opposite sign at both footpoints. The variation
of the gravitational acceleration starts only above the height of the photosphere. A new
parameterhphoto was introduced that speci�es the depth of the shallow convection zone of
the initial snapshot. The gravitational acceleration is modi�ed as follows:

g(s) =

8
>>>>>><
>>>>>>:

� g� for s < hphoto

g� for s > 2L � hphoto

� g� � cos
�
� s� hphoto

2(L� hphoto)

�
otherwise;

(2.33)

whereg� = 2:74 � 104 cm s� 2 is the gravitational acceleration at the solar surface. We
set the parameterhphoto to 3.5 Mm so that we have a convection zone layer with a depth
of several megameters. In order to calculate initial pro�les for the coronal part of the
loop, we plug the modi�ed gravity into the equations of hydrostatic equilibrium. The
gravitational acceleration is also modi�ed in the energy equation in the MURaM code.
With the modi�ed gravitational acceleration, the local pressure scale height becomes

H(s) =
kBT(s)

mg� cos
�

s� hphoto

2(L� hphoto)

� : (2.34)

With the imposed temperature pro�le, pro�les for the density and pressure are determined
by hydrostatic equilibrium:

� (s) = � 0 �
T0

T(s)
exp

 
�

Z s

0

ds
H(s)

!
; (2.35)

P(s) = P0 � exp
 
�

Z s

0

ds
H(s)

!
: (2.36)

Here� 0 andP0 are the mean values of density and pressure at the top of the shallow simu-
lation box. The equations are integrated numerically using the Euler method to determine
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the initial pro�les. The initial pro�les for temperature, density and pressure for the values
T0 = 5700 K,� 0 = 5 � 10� 11 g cm� 3 andP0 = 18 dyn cm� 2 are shown in Fig. 2.1. The
internal energy density is calculated from the temperature pro�le with the help of the EOS
table.

A uniform vertical magnetic �eld is chosen as an initial condition for the coronal
magnetic �eld. To ensure a smooth transition between the coronal magnetic �eld and the
magnetic �eld in the original shallow box, a vertical boundary condition is imposed for
the magnetic �eld at the top of the shallow box. The magnetic �eld extension is then
calculated on a column-by-column basis from the value of the vertical magnetic �eld at
the top boundary of the original box. The x- and y- component of the magnetic �eld are
set to zero. All velocity components in the coronal part are originally set to zero.
The box is now extended to the loop apex. To obtain the full loop, the box is duplicated,
�ipped and stitched together at the midplane. A small random velocity is added to one
footpoint to ensure that the two footpoints evolve independently. The �eld-aligned Spitzer
heat conduction and optically thin losses are now switched on and the box is evolved for
another hour. The maximum velocity is initially limited to 100 km s� 1 to avoid large
initial transients. The velocity limit for the plasma velocity is subsequently increased to
1000 km s� 1.
We conducted runs in low resolution with di� erent magnetic �eld strengths. A shortcom-
ing of our model is that the magnetic �eld does not expand in the corona. The magnetic
�eld strength therefore has to be chosen so that it is strong enough to heat the corona to
several million Kelvin, but is not unrealistically high for coronal heights. Field strengths
in the corona have been measured using coronal seismology, where the magnetic �eld
strength is inferred from oscillations of the loop. Field strengths measured using this
method lie between roughly 10 and 100 G (Nakariakov and Ofman 2001, Guo et al. 2015,
Tian et al. 2012, Verwichte et al. 2013). An initial low resolution run with a �eld strength
of 30 G is described in detail in chapter 3. To better resolve the internal loop dynamics,
we conduct simulations in higher resolution. We performed low resolution simulations
for �eld strengths of 30 G and 60 G. The runs with increased resolution start from an
interpolated snapshot of the low resolution run. A higher magnetic �eld strength leads
to an increase in Poynting �ux injected into the loop and thus to higher loop tempera-
tures. For the runs with increased resolution, we chose a �eld strength of 60 G since this
run produced average coronal temperatures exceeding 2 MK, reaching temperatures also
found in active regions. After the interpolation, the simulation is run for half an hour to
let initial transients subside.
The limit on the Alfvén velocity (see Sect. 2.1.7) was chosen dependent on the magnetic
�eld strength and set to 3000 km s� 1 and 6000 km s� 1, for the 30 G run and the 60 G runs,
respectively.

2.2 Structure of the solar atmosphere

We choose a simulation domain of 6� 6 � 57 Mm. With an average convection zone
depth of 3.5 Mm, this leads to an e� ective loop length of 50 Mm. We run simulations for
three di� erent resolutions, 60 km, 24 km and 12 km. Temperature, heating rate, density
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and rms velocities for all three di� erent resolutions are shown in Fig. 2.2. The medium
and high resolution runs show slightly higher heating rates and temperatures than the run
with the lowest resolution.
A stronger di� erence can be seen in the rms-velocities, which show an increase with
resolution. In the high resolution run, more small-scale current sheets form that could
serve as sites for energy dissipation. In a steady state, however, all the energy that can-
not be stored by a system has to be dissipated, the heating rate should therefore become
independent of the di� usivity. Since in the high resolution magnetic elements at the pho-
tosphere are better resolved, the high resolution run could have a higher energy injection.
The high resolution rate The Poynting �ux at a height of 2 Mm above theh� i = 1 sur-
face averaged over half an hour for both footpoints is 1:2 � 107 erg s� 1 cm� 2 for the low
resolution simulation, 1:7 � 107 erg s� 1 cm� 2 for the medium resolution simulation and
3:2 � 107 erg s� 1 cm� 2 for the high resolution simulation. the Poynting �ux is strongly
variable in time. Runtimes of several hours would be necessary for a rigorous analysis of
the dependence of the atmospheric bulk quantities on resolution, which is computation-
ally expensive for the high resolution run.
The energy balance for the high resolution run is presented in Fig. 2.3. In the coronal
part of the simulation domain, the energy input is dominated by the work done by the
Lorentz force. The energy input through viscous and resistive dissipation is balanced by
the conductive heat �ux. The heat conducted downward to the transition region and chro-
mosphere is then radiated away. The advective energy �ux can add or remove energy
from the corona depending on the direction of �ows in the loop. The contributions from
the work done by the gravitational force, the work done by the semi-relativistic correc-
tion term and the numerical di� usion are small compared to the other terms in the energy
equation.

2.3 Numerical di� usivity

In order to determine the di� usivity of the numerical scheme for di� erent quantities and
thus the e� ective numerical Prandtl number, the parameterh discussed in Sect. 2.1.8
needs to be chosen. Di� erent values forh are employed in the layers of the solar atmo-
sphere. Following Rempel (2017), a value ofh = 2 is used in the convection zone and
photosphere. In low density regions with� < 10� 11 g cm� 3 a value ofh = 1:25 is chosen
for mass, momentum and energy andh = 5 for the magnetic �eld. This choice ofh em-
ulates a high Prandtl number setting with a higher viscous than resistive di� usivity in the
coronal part. To study the dependence of the simulation on the choice ofh for di� erent
quantities, we perform a test run with switched settings, a value ofh = 5 is used for the
velocity �eld and a value ofh = 1:25 for the magnetic �eld. This choice of parameters
leads to lower temperatures and densities of the loop, as shown in Fig. 2.4. While in the
high Prandtl number setting the viscous heating dominates over the resistive heating in the
corona, this behavior is reversed in the low Prandtl number run. The resistive heating rate
in the low Prandtl number run is only slightly larger than in the high Prandtl run, while
the viscous heating rate is signi�cantly reduced, leading to less overall heating. The di� u-
sivities in the convection zone and photosphere were not changed, therefore the Poynting
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�ux generated by photospheric motions should be the same. The Poynting �ux entering
the corona, however, is reduced compared to the high Prandtl number run. The Poynting
�ux must therefore be dissipated in the chromospheric layer due to the high numerical
resistivity before it can even reach the corona. The transverse magnetic �eld components
are reduced, while the rms-velocity is increased since the damping of the velocity �uc-
tuations is less strong. Switching the values ofh for the velocity �eld and the magnetic
�eld, however, does not mean that the e� ective values for the numerical resistivity and
viscosity are simply switched. The numerical di� usivities depend on the gradients of the
respective quantities they are applied to, a more complex velocity or magnetic �eld thus
leads to a higher numerical di� usivity. Due to the low value of plasma beta in the corona,
the magnetic �eld is generally smoother than the velocity �eld.

We estimate the e� ective estimated numerical di� usivities in the coronal part of the
simulation domain for the three di� erent resolutions considered (60, 24 and 12 km) by
using eq. (2.29) and (2.30) To calculate the expected Spitzer value of the magnetic and
viscous di� usivities, a coronal temperature of 2.5 MK, a density of� = 10� 14:8 g cm� 3,
and a value of ln� = 20 for the Coulomb logarithm were assumed.

60 km 24 km 12 km Spitzer value
� e� [cm2 s� 1] 1:8 � 1011 4:5 � 1010 2:2 � 1010 2631
� e� [cm2 s� 1] 3:1 � 1013 6:9 � 1012 1:7 � 1012 6:9 � 1014

Pm;e� 172.2 153.3 77.3 2:6 � 108

For the setup used in this study, increasing the resolution by a factor of �ve reduced
the e� ective magnetic di� usivity by roughly a factor of eight and the e� ective viscous
di� usivity by a factor of 18. In a realistic Prandtl number regime, the resistive di� usivity
would be negligible compared to the viscous di� usivity.
Numerical resistive and viscous heating rates are strongly intermittent in space and time
and not necessarily well-correlated with current structures and strain rate for a single
timestep (Rempel 2017), therefore e� ective viscous and resistive di� usivities are not well
de�ned.

2.4 Analysis methods

2.4.1 Field line tracing

In order to trace magnetic �eld lines, we follow the magnetic �eld vector in three dimen-
sions. A Runge-Kutta-Fehlberg algorithm with an adaptive stepsize was used to integrate
the equations

@x
@s

= Bx; (2.37)

@y
@s

= By; (2.38)

@z
@s

= Bz: (2.39)
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Figure 2.2: Horizontally averaged temperature, viscous (dashed line) and resistive (dotted
line) heating rate, density and rms velocity for the three runs with a resolution of 60 km
(red), 24 km (green) and 12 km (blue) and a uniform magnetic �eld of 60 G as a function
of arclengths. The quantities have been averaged over half an hour of solar time. The
shaded areas refer to the standard deviation due to the variation in time of the horizontally
averaged quantities.

The seed points from which the magnetic �eld lines are traced are passively advected with
the �uid. The positionxi of a seed point evolves as

@xi

@t
= vi; (2.40)

wherevi is the plasma velocity at the location of the seed point. The position of the seed
particles is evolved in time using a 4th-order Runge-Kutta-algorithm with a �xed stepsize.
The data cubes are interpolated between timesteps using linear interpolation. Tracking is
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Figure 2.3: Energy balance for the high resolution run as a function of arclength. Depicted
are the total magnetic energy input (solid red line), a combination of the work done by
the Lorentz force (red, dashed), the Ohmic heating rate (red, dotted), the advective energy
�ux (green, solid), the viscous heating rate (green, dotted), radiative losses (orange, solid),
heat conduction (blue,solid), work done by the gravitational force (light blue), the semi-
relativistic correction term in the energy equation (magenta, dashed), and the numerical
di� usion term (dashed, yellow). The dotted black line marks the sum of all the di� erent
terms in the energy equation. The quantities were averaged over half an hour of solar
time. The volumetric energy �uxes are divided by the horizontally averaged density.

possible forwards and backwards in time. All quantities including the magnetic �eld are
assumed to be periodic in the horizontal directions, therefore a �eld line that exits the
simulation domain through the side boundaries re-enters the domain at the opposite side
boundary. I implemented the �eld line tracing algorithm in Python based on an existing
analysis script.

2.4.2 Vortex detection: Swirling strength

The concept of a vortex is a tube-like structure coherently rotating about its spine (Zhou
et al. 1999). Several techniques have been employed to identify vortices, but despite the
intuitive de�nition of a vortex, there is no unambiguous detection criterion. Potential vor-
tex identi�cation criteria include enhanced vorticity! = jr � vj or Instantaneous Vorticity
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Figure 2.4: Comparison of the high and low Prandtl number regime. Top row: Hori-
zontally averaged temperature, viscous (dashed line) and resistive (dotted line) heating
rates and density above the photosphere as a function of arclength. Bottom row: Axial
component of the Poynting �ux, transverse magnetic �eld and rms velocities. The high
Prandtl number run is shown in red and the low magnetic Prandtl number run in blue. The
shaded areas refer to the standard deviation of the pro�les due to temporal variation. The
quantities have been averaged over half an hour.

Deviation (IVD) (Silva et al. 2020).
The vorticity as a criterion for vortex detection is problematic since a nonzero vorticity
! = jr � vj can also arise from a shear �ow without rotation (Moll et al. 2011). Here we
make use of the swirling strength criterion. To �nd grid cells that are part of a rotating
�uid structure, the eigenvalues of the velocity gradient tensorUi j = (@jvi) are examined
(Zhou et al. 1999). When the discriminant of the characteristic equation for the velocity
gradient tensor is positive, the tensor can either have three real eigenvalues or a real eigen-
value and a pair of complex conjugated eigenvalues. The velocity gradient tensor can be
locally diagonalized as (Zhou et al. 1999, Canivete Cuissa and Steiner 2020)

U = [ur; u+ ; u� ]

2
666666664

� r 0 0
0 � + 0
0 0 � �

3
777777775
[ur; u+ ; u� ] � 1; (2.41)

where� � = � cr + i� ci are the complex eigenvalues,� r is the real eigenvalue andur , u+ , and
u� are the corresponding complex eigenvectors. The magnitude of the swirling strength
can be measured by the imaginary part of the complex eigenvalue,� ci. In the case of rigid
rotation, the swirling period isT = 2�=� ci.
The eigenvectors encode information about the orientation and direction of rotation of the
vortex. The real eigenvectorur determines the direction of the axis of the vortex, while
the direction of rotation depends on the handedness of the basis formed by the eigenvec-
tors. In case of a left-handed basis, the rotation with respect tour is counter-clockwise,

55



2 Numerical and analysis methods

while it is clockwise for a right-handed basis (Canivete Cuissa and Steiner 2020). The
basis can be forced to be left-handed by multiplyingur by -1 if the basis is right-handed.
The �ow is then always counter-clockwise with respect to the axis determined byur and
the orientation of the rotation can be inferred from the sign ofur . The shear part of the
vorticity is given by! shear= ! � 2� ci (Moll et al. 2011). The distribution of the transverse
velocity, the vorticity, the swirling strength and the shear part of the vorticity for a slice
at 2 Mm for the high resolution run are shown in Fig. 2.5. The swirling strength criterion
detects the smallest vortices present. To detect larger structures with this technique, the
velocity �eld needs to be downsampled. Following the procedure described in Yadav et al.
(2020b), the velocity �eld is convolved with a Gaussian kernel in three dimensions. The
e� ect of the downsampling procedure is demonstrated in Fig. 2.6, which shows the ve-
locity orthogonal to the loop axis, the swirling strength computed from the velocity �eld
at the original resolution and the swirling strength computed from the smoothed velocity
�eld for a large-scale rotating structure. This structure is studied in detail in chapter 4.
The computation of the swirling strength was performed in post-processing. I imple-
mented the computation of the swirling strength using Python. The computation of the
eigenvalues of the velocity gradient tensor was performed using NumPy's linalg submod-
ule.

2.4.3 Synthetic spectral pro�les

In order to compute synthetic spectral pro�les, we synthesize the emission in each grid-
point under the assumption of ionization equilibrium. The tabulated radiative losses for
the investigated optically thin spectral lines are taken from CHIANTI version 10 (Dere
et al. 1997, Del Zanna et al. 2021). The computation of the spectral pro�les was done
using pre-existing IDL routines and tabulated loss functions compiled with CHIANTI.
Note that the calculation of optically thin losses in the current version of MURaM and
the emissivities calculated in the postprocessing step di� er slightly, while the optically
thin loss function implemented in MURaM assume a constant ratio of electron to hydro-
gen density, this ratio is determined from the local value of the temperature in CHIANTI.
This issue should be adressed in the future.
The spectral pro�les are computed following the procedure in Peter et al. (2004, 2006).
The particles within a resolution element undergo random thermal motions that lead to
thermal broadening of the emission line due to the Doppler shift caused by the particle
motion. The line pro�le at each gridpoint is assumed to have a Gaussian shape. The pro-
�le is assigned a Gaussian width given by the thermal width. The thermal width is given
by

wth =
 
2kBT
mion

!1=2

: (2.42)

The line pro�le is shifted according to the LOS velocity at the respective grid point. The
line pro�le at each grid point is then given by:

Iv = IPeakexp�
(v � vv)2

w2
th

: (2.43)
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